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The emission of light from the Sun

The sunlight we usually see is the light in the visible spectrum 
(white light). Here we are seeing the photosphere.



Eclipse Images

This haze is 
the corona

This coloured region 
is the chromosphere

But if we can block out the light from the photosphere, different 
parts of the atmosphere become visible 



The Layers of the Solar Atmosphere

Solar photosphere

Solar chromosphere (courtesy of J. Okamoto NAOJ)

Solar corona (AIA SDO)



The light that comes from the Sun

From Green (1982)

The both the intensity and wavelength distribution of light we 
receive from the Sun follows to a good degree the blackbody 
emission at 6000K



The Visible Solar Spectrum
Of the visible light emitted by the Sun, not all of it can escape, 
some is absorbed by atoms (and sometimes molecules) in the 
atmosphere (see dark lines in the spectrum below).

Above is the visible light spectrum. The dark lines show the 
absorption of light by elements in the solar atmosphere.  

Helium was discovered from spectral observations of the Sun by 
Jules Janssen in 1868 and Norman Lockyer (who realized it was a 
new element).



Optically thin Vs Optically thick 
radiation

The radiation in the corona is generally 
optically thin (meaning you can ignore 
effects that come from the optical depth). 

Photospheric and chromospheric plasma 
is dense enough to reabsorb some the  
radiation  



Spectral lines as a way to investigate 
different heights in the atmosphere

From Vernazza, Avrett and Loesner (1981)



Electron-
Ion

Electron-
Neutral

Ion-
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ionization

partial
ionization

full 
ionization

• e-n collision dominates in lower 
chromosphere (=> weak ionization) 
• e-i collision dominates in upper 
chromosphere (=> partial ionization)

VAL-C model + smooth extrapolation to the corona

Some other properties that can be 
important



Photospheric and coronal abundances

The elemental abundances in the corona differ from those of 
the photosphere, but only for elements with lower FIP 

Taken from Feldman (1982)



Magnetic field strength throughout the 
atmosphere

From Gary (2001)



How to determine other important 
properties of the atmosphere

𝜌
𝜕𝐯

𝜕𝑡
+ 𝜌𝐯 ∙ 𝛁𝐯 = −𝛁𝑝 + 𝐉 × 𝐁 + 𝜌𝐠
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MHD momentum Equation

The size of each term

(1) (2) (3) (4)

We can work out which terms are important for modelling 
different layers of the solar atmosphere by comparing the size 
of the different terms and neglecting small terms



Pressure scale height: Λ
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The pressure scale height is the height over which the pressure 
in the atmosphere drops by a factor of 𝑒1. 

If 𝐿 ≪
𝑃

𝜌𝑔
= Λ then it may be acceptable to neglect the gravity term 

Comparing terms 2 and 4

Using hydrostatic equilibrium

And an ideal gas

Then we have

𝑃
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Plasma Beta 𝛽
(As seen in the MHD lecture) Comparing terms 2 and 3

𝛽 =
𝑃

 𝐵2

2𝜇0

The magnetic pressure is given by: 
𝐵2

2𝜇0
and the gas pressure by: 𝑃

The plasma beta is the comparison between the gas pressure 
and magnetic pressure.

If 𝛽 ≫ 1 then If 𝛽 ≪ 1 then
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Plasma Beta 𝛽 throughout the 
atmosphere

From Gary (2001)

Switch from high to 
low beta happens in 
the chromosphere



Mach numbers

Comparison between terms 1 and 2 (hydrodynamic Mach number)

𝑀2 =
𝑣2

𝑐𝑠
2 = 𝑣2

𝛾𝑃

𝜌

−1

This gives information on how fast the flow is moving compared to 
the speed at which information is being transmitted.  

𝑀𝐴
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Comparison between terms 1 and 3 (Alfvénic Mach number)

(note I have used the square 
as this is a good measure of 

compressibility)

If these are small then 𝛻 ∙ 𝐯 = 0,
𝜕𝐯

𝜕𝑡
= 0 or 𝐯 = 0 may be 

appropriate simplifications
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The photosphere

This is the base of the solar atmosphere and is defined as the height at which the visible 
light photons are likely to escape. The majority of the light that escapes from the Sun 
come from photons that are emitted from the photosphere



Vertical photospheric magnetic field

Hinode SOT magnetogram saturated at above 500G (0.05T). The 
strong magnetic field has collected at the boundaries of 
supergranules.  



Vertical photospheric magnetic field

Hinode SOT magnetogram saturated 100G (0.01T). The 
magnetic field is beginning to fill the regions between the 
supergranule boundaries.  



Vertical photospheric magnetic field

Hinode SOT magnetogram saturated 25G (0.0025T). The 
magnetic field is now inside granules.  



Photospheric magnetic field

Horizontal magnetic field observed by Hinode SOT 
magnetogram saturated 200G (0.02T). Observed near the edge 
of granules.  



Why do we have these field strengths?

𝑝𝑒~
𝐵2

2𝜇0
→

𝐵~ 2𝜇0𝑝𝑒 = 8𝜋 × 10−7 × 5 × 103~ 10−2 = 0.1T (103G)

2) By equating the gas pressure of the photosphere (𝑝𝑒) to the 
magnetic pressure inside the magnetic element:

1

2
𝜌𝑣2~

𝐵2

2𝜇0
→

𝐵~ 𝜇0𝜌𝑣 = 4𝜋 × 10−7 × 2 × 10−4 × 2 × 103 = 0.02T (200G)

1) We can use arguments based on energy equipartition



Sunspots

https://sunearthday.nasa.gov/2006/locations/firstdrawing.php

Drawing by John of Worcester on 8/12/1128 showing two 
spots on the Sun. This is believed to be the oldest drawing of a 

Sunspot in existence



Sunspot observations before 
modern observations

Sunspot sketches by Galileo 
Galilei from 1612 (taken 
from rice.edu)

Sunspot number since the 1600s



Emerging magnetic flux to give 
sunspot formation

The complex flow inside the Sun stretch and fold the magnetic field 
until it becomes strong enough to rise up through the solar surface 
and form Sunspots. 

Hinode SOT (JAXA)

Sunspots (NASA)



Sunspots and their magnetic field
From Borrero & Ichimoto (2011)

An image of a sunspot (left) with its magnetic field measurement 
(right). Field strengths in the sunspot are typically 103G (0.1T is SI 
units).

Penumbra

Umbra
Vertical field

More horizontal 
field



The photosphere: granulation
Courtesy of J. Okamoto

Power spectra

Matsumoto & Kitai (2010)

Granules are cells of 
convection that can be seen 
on the surface of the Sun. 
Characteristic flow speeds 
of a few km/s.



The Chromosphere

Because the plasma β has become sufficiently small, the magnetic 
field structures the chromosphere



How we define the Chromosphere
Chromosphere, meaning sphere of colour, describes the layer of the solar atmosphere that 
is clearly visible in a variety of spectral lines in the visible, UV and IR wavelengths. 



The spectral lines of the Chromosphere

From Vernazza, Avrett and Loesner (1981)

These are three very 
important spectral 
lines for investigating 
the chromosphere 



The spectral lines of the Chromosphere

From De Pontieu et al (2014)



Chromospheric dynamics: Spicules

Recently a second type of spicule (type II spicules) was discovered 
that have a different thermodynamic (and possibly dynamic) 
evolution.

Spicules are thin jets of chromospheric plasma that shoot up 
through heights of O(5 × 106m). They have speeds of O(50 km/s) 
and generally follow ballistic motion.



How are neutrals coupled to magnetic 
fields

n

+

- ①

+

②

① Movement of magnetic 
field
② together with charged 
particles

③ Charged particles collide 
with neutrals

④ Neutrals move in the 
same direction as the 
charged particlesCollision

③ ④



To understand the equations used in partially ionised MHD it helps 
if they are derived. Straying with a neutral and an ionised fluid

Where represents C the terms that arise from collisions between 
ions and neutral give as (note they are equal in magnitude but 
opposite in sign) 

Partially Ionised MHD
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Partially Ionised MHD
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Assuming that   𝜌𝑖 ≪ 𝜌𝑛 and 𝑝𝑖 ≪ 𝑝𝑛 then comparing the two 
underlined terms:
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This is known as strong coupling

Then we can take that:



Partially Ionised MHD
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Now comparing the three force terms:
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If 𝛽 is relatively small as 𝜌𝑖 ≪ 𝜌𝑛 and 𝑝𝑖 ≪ 𝑝𝑛 then :



Partially Ionised MHD
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Now we have:

i.e. the ideal MHD momentum equation, but for the neutral 
fluid velocity.



The induction equation now has to be revised to remove the ion 
velocity:

Using the ionised fluid equation of motion, It can be derived that:

So, the induction equation becomes:

Where                            is the ambipolar diffusion term.

Partially Ionised MHD
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The Corona



Viewing the corona
Visible (white) light EUV

Radio X-ray



How does the light we can’t see 
vary over a solar cycle

Low solar activity High solar activity

It is clear that the total amount of X-ray photons at high solar 
activity is much greater than at low activity



What about the Coronal magnetic field

Magnetic field at solar 
minimum

Magnetic field at solar 
maximum

The topology and strength of the magnetic field of the Sun, and 
with it the heliosphere, changes drastically over a cycle. Active 
regions create more regions of closed field, and weaken the 
dipole moment.

From nasa.gov



Coronal structure

The corona is made up of:
Coronal holes (open 
magnetic field regions)

Quiet regions (bright points, 
microflares, nanoflares)

Loops

Active regions



How do you get the 1MK Corona?

The solar corona seen in x-ray observed by Yohkoh



What heating mechanisms can exist?

The energy source for the heating is the magnetic field, but the 
dissipation is a story of waves VS reconnection (or AC vs DC)

Current sheets of a tangled 
field reconnect, releasing 
energy and heat the corona

Waves Reconnection

Energy associated with motion 
in the lower atmosphere can be 
transported by waves into the 
corona and dissipated there.



Coronal Loops

Coronal loops are one of the fundamental structures in the corona 
tracing the magnetic field in the corona. Length O(5 × 107m) and 
width O(106m) (though many different sizes exist!)



Thermal conduction
To have the clear structuring along the magnetic field that is 
observed for coronal loops, we need a process that makes the 
temperature along the loop relatively uniform. This process is 
thermal conduction.

𝜌𝛾

𝛾 − 1

𝐷

𝐷𝑡

𝑝

𝜌𝛾
= 𝛻 ∙ 𝜅𝛻𝑇 − 𝜌2𝑄 𝑇 +

𝑗2

𝜎
+ 𝐻

Thermal conduction is about 1013 times stronger along the 
direction of the field in the corona than across it.

Energy equation for the corona

Thermal conduction

Radiative losses

Joule heating

Other heating terms



Solar flares

A movie of a flare from EUV 
observations using the TRACE 
satellite. The bright structures 
you can see at the end are 
called post-flare loops.

Flares are characterized by the 
impulsive intensity increase in 
multiple wavelengths. An example 
of the soft x-ray (related to the 
thermal emission) is shown below

Timescale: few hours
Temperature: ~3x107 K
Energy: 1016 to 1018 Joule



Non-thermal flare emission



Carmichael 1964; Sturrock 1966; 
Hirayama 1974; Kopp & Pneuman 1976

reconnection

plasmoid

McKenzie 2002

X8-class flare on September 10, 2017 SDO/AIA 211

15:39:35 UT Sep 10, 201715:54:35 UT Sep 10, 2017

post-flare 
loop

flare ribbon
magnetic 
polarity 
inversion 
line (PIL)

plasmoid

16:09:49 UT Sep 10, 2017

post-flare loop

The CSHKP Model

The key process to explain flares is 
magnetic reconnection. 



Active Region 10930

photosphere

chromosphere

Observed 
by Hinode

Observation of flare 
ribbons in the lower 
atmosphere

Before the flare, the 
sunspots rotate, 
building up magnetic 
energy



With Complex Magnetic Field
Bamba, et al. 2013 Not only can the 

rotation build up 
magnetic energy, but 
the complex magnetic 
structure tells us that 
there is lots of current 
in the system, making 
it ripe for magnetic 
reconnection

This small-scale 
magnetic structuring 
can provide a trigger 
for flares to start 
(Kusano et al 2012)



Prominences and Filaments



Prominences across different 
wavelengths

From Okamoto et al (2015)



Prominences & filaments: properties

Quiescent filament observed in Hα line centre on 
21st Dec 2010 at Hida observatory

Height:

107 to 108 m

Length:

6x107 to 6x108 m

Width:

5x106 to 2x107 m

(Tandberg-Hanssen 1995)

3.5x108 m



Prominences and the photospheric
magnetic field

Prominences always lie above the polarity inversion line



Prominence magnetic field

Field strength of 15G Horizontal field 30°to line of sight

Prominence magnetic field is horizontal



Prominences & filaments: Basic model
You’ve already been introduced to the Kippenhan-Schluter model 
for prominences (c.f. MHD lecture by Browning on Monday) 

+ polarity - polarity

Prominence mass collects in 
dips in the magnetic field. And 
magnetic tension supports the 
mass against gravity.



Quiescent prominence

Hinode Solar Optical Telescope Ca II H line (2007/10/03)
Negative image

With the launch of Hinode
SOT, we now know that 

quiescent prominences can
be highly dynamic, full of 

nonlinear flows, waves and 
instabilities, basically a 

turbulent medium.

e.g. Berger (2010, 2011), Chae (2010), 
Freed et al (2017), Hillier et al (2013, 
2017), Leonardis et al (2012), Ryutova
et al (2010), Schmieder et al (2010)



Active region Prominence

Dominated by field aligned flows, rotations (e.g. Okamoto et al 
2016) and MHD waves (e.g. Okamoto et al 2007). Clearly 
magnetically dominated.



Why the difference?

Comparing the size of these terms we get (I use TG here for want 
of a better name):

𝑇𝐺 =
𝑃

 𝐵2

2𝜇0

𝐿

Λ
= 𝛽

𝐿

Λ

𝐵ℎ
𝜇0

𝜕𝐵𝑧
𝜕ℎ

~
1

2𝜇0

𝜕𝐵2

𝜕ℎ
~

𝐵2

2𝜇0𝐿
𝜌𝑔 =

𝑃

Λ

The size of the tension term The size of the gravity term

𝜷 𝑳 𝒎 𝚲 𝒎 𝑻𝑮

Quiescent 0.1 5 × 107 4 × 105 ~10

Active region 0.005 107 4 × 105 ~0.1

Note that this is somewhat a crude metric



How do we have cool material in the 
hot corona?

From Anzer and Heinzel (2008)

A plot of the radiative losses in the solar corona for a fixed 
pressure across a wide range of temperatures

If the plasma can 
start to cool, it can 
become thermally 
unstable. When this 
happens the next 
stable temperature 
is near 104K where 
optically thick 
radiation becomes 
important

Two stable temperatures



Prominences & filaments: Eruptions
Prominence eruption 

(Solar Dynamics Observatory 304A NASA)
Coronal mass ejection

(STEREO NASA)

What triggers the eruption, be it ideal MHD instability, flux 
emergence or reconnection, is still an active research topic. 



Basic physical quantities

Photosphere Chromosphere Corona

𝜌 2 × 10−4 10−6 to 10−9 2 × 10−12

T (K) 4.5 × 103 to 6 × 103 5 × 103 to 2 × 104 ≥ 106

B (T) 0.001 to 0.3 0.001 to 0.1 0.0001 to 0.003

L (m) 4 × 106 to 2 × 107 4 × 106 to 2 × 107 106 to 5 × 107

V (km/s) 0.1 to 3 2 to 100 10 to 100

Λ (m) 2 × 105 4 × 105 5 × 107

𝛽 1 to 1000 10 to 0.01 0.1 to 0.0001

vA (km/s) 0.05 to 7 30 to 50 >300

cS (km/s) 7 10 100

𝜉𝑖 10−3 to 10−6 10−1 to 10−6 1

Electron Mean free 
path (m)

10−5 100 107

Note that these often depend on proximity to an active region



The messy solar atmosphere



Conclusion
• Solar Atmosphere:

• Photosphere to Chromosphere through the Transition region 
to the Corona

• Host to a vast array of plasma regimes:
• Temp increases by a factor of 200 or more

• Density decreases by about 108

• Processes occur on a wide array of length and time 
scales
• Lengths: electron mean free path (10−5m) up to global solar 

radii (100 Mm)

• Times: fraction of a second up to days/months


