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Massive stars (MZAMS > 8 M!)
Massive Stars

Final fate is core-collapse Initial state of SN explosions

Advanced burning stages
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C-, Ne-, O-, and Si-core and shell burnings
Fe core formation and complicated layered structure

Innermost region of massive stars has not been observed.
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1D SN progenitor models

Outline

Relation between MZAMS and Mf, MHe, MCO, MFe

Model dependence

Multi-D simulations of O-shell burning just before the core-collapse

Turbulent Mach number, Si mass fraction, and eddy scale
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Motivation: connection to SN explosion models
2D simulations of O-shell burning for ~100 s before collapse

3D simulation of O-shell burning for ~100 s before collapse

Multi-D effects on convective mixing in advanced burning stages
Entrainment and overshoot treatment during O-shell burning
Merging of convective shells

Summary
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1D SN progenitor models
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Massive star evolution from H-burning until the core collapse
HOngo Stellar Hydrodynamics Investigator (HOSHI) code

(e.g., Takahashi et al. 2016, 2018)

1D Simulations of Massive Star Evolution

overshoot
Mixing outside the convective boundary

convective

radiative
Influence to He and CO core mass

Dov
cv = Dcv,0 exp (− 2Δr

fovHP0 )

Δr
overshoot parameter fov

fov = 0.030 (model L), 0.010 (model M)

fov = 0.002 (model A), 0.000

H and He burnings

Advanced stages

model L … B-type stars in LMC (Brott et al. 2011)

model M … AB-type stars in Milky Way Galaxy (Maeder & Meynet 1989)

Four model sets: Sets LA, L,  MA, M

fov is determined from observations.
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1D Massive Star Evolution Models

Solar metallicity

Evolution calculation from H burning until log TC = 9.9
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25 models with initial mass range of 9—40 M!

Four model sets with different fov: models LA, L,  MA, M
In each model set,

H burning width
Model L ~ Stern
Model M ~ Genec
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Stern: Brott et al. 2011
Genec: Ekström et al. 2012
MESA, Starevol: Martins & Palacios 2013



3. Results

3.1. 1D Stellar Evolution Models

In total, 100 stellar evolution models are calculated in 1D.
Four sets of models are constructed, to which different
overshoot parameters are applied (Table 1). Each set consists
of 25 models to cover the initial mass range of 9–40Me. These
1D models are evolved from the ZAMS stage up to the onset of
collapse, which is determined using the threshold central
temperature of TC∼109.9 K. Details of our 1D evolution
models (e.g., comparison with reference stellar evolution
codes) are given in the Appendix.

Figure 1 shows the total mass (red) and masses of the He
(blue), CO (green), and Fe (magenta and cyan) cores at the
onset of collapse as a function of the ZAMS mass (MZAMS).
The top panel shows results for Sets L and LA, while results for
Sets M and MA are shown in the bottom panel. We note that
Sets L and LA result in very similar total, He-core, and CO-core
masses, and differ only in the Fe-core mass. This is because the
He- and CO-core masses are mostly determined by the size of
the core convection during the H- and He-burning phases,
respectively, and are largely independent of the overshoot
during more advanced stages. The same is true for Sets M and
MA. The He-core mass is defined as the largest enclosed mass
with hydrogen mass fraction less than 10−3. Similarly, the CO-

core mass is defined as the largest enclosed mass with He mass
fraction less than 0.1, and the Fe-core mass is defined as the
largest enclosed mass with the sum of the mass fractions of
Z�21 elements larger than 0.5.
The total mass at the collapse is determined by the mass-loss

history. Because the mass loss is relatively weak, the total mass
monotonically increases with the ZAMS mass for models
below MZAMS20–25Me in both Sets L and M. The mass-
loss rate increases with increasing luminosity, and thus with
increasing ZAMS mass. The increasing mass-loss rate explains
the flat and even decreasing trends seen in the 20–30Me
models in Set L. At the same time, models in the same mass
range show a stochastic trend for Set M. This is caused by the
bistability jump of the mass-loss rate, which results from the
discontinuous rate increase along the decreasing effective
temperature (e.g., Vink et al. 2000). For more massive models
above MZAMS30Me, the mass-loss rate becomes so
efficient to remove most of the H envelope during the He-
burning phase. Therefore, the total masses of these models
coincide with their He-core masses. This is why the total mass
again shows a monotonic increase in this massive end of the
ZAMS mass range. The most massive models (the 32, 35, and
38Me models of Set L and the 35, 38, and 40Me models in
Set M) finally retain only a small amount of hydrogen of
0.26–0.29Me in their envelopes, which will correspond to
these being observed as late-type WN stars (Crowther 2007).
As an exception, model 40L (MZAMS=40Me model in Set

L) has lost not only the entire H envelope but also most of the
He layer. This is due to the even stronger WR wind mass loss
during the helium- and carbon-burning phases. The He mass
remaining on the surface is 0.24Me. We apply the mass-loss
rate of Nugis & Lamers (2000) for the H-deficient stars.
However, there is a large uncertainty in the estimation of the
WR wind mass-loss rate. Among H-deficient stars especially,
the mass-loss rate of He-deficient WC stars can be larger than
the rate in Nugis & Lamers (2000) by a factor of ∼10
(Yoon 2017). The remaining He mass can be even less if we
consider more efficient WR wind mass loss. Therefore, we
expect that the star will most probably be observed as a He-
deficient WC star, and moreover, it will be observed as a Type
Ic supernova when this star explodes.
The features of the distributions of the final stellar mass and

the He- and CO-core masses as a function of ZAMS mass are
also seen in the results obtained in previous works using the
Kepler code (Woosley & Heger 2007; e.g., Figure 4 of Ebinger
et al. 2019 for a concise summary).
The He- and CO-core masses monotonically increase with

ZAMS mass except for model 40LA, which is affected by the
strong WR wind during the He-burning phase. The mass of the
helium layer, which is shown as the difference between the He-
core and the CO-core masses, also increases with the ZAMS
mass. As mentioned earlier, the He- and CO-core masses are
insensitive to the overshoot parameter after the He burning,
fov,A. Thus, the difference in the CO-core mass between Sets
LA and L (and similarly between Sets MA and M) is less than
0.7%. Furthermore, the difference in the He-core mass is less
than 0.1%. Note that model 18MA exceptionally forms a CO-
core mass about 3% larger than model 18M. This results from
the emergence of a narrow convection in the outer layer of the
CO core, in which a small amount of He is contained. Because
this narrow convection is activated only after the oxygen-core

Figure 1. The final stellar mass M for Set L (top panel) and Set M (bottom
panel) as a function of the ZAMS mass. Red, blue, green, magenta, and dashed
cyan lines correspond to the total mass, He-core mass, CO-core mass, Fe-core
mass of Sets LA and MA, and the Fe-core mass of models L and M,
respectively.
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Distributions of Final Mass and Core Masses

Not large differences between models L and M for MZAMS < 24 M!

MZAMS ≧ 30 (35) M  for model L (M) WR stars with thin H envelope
MZAMS ≧ 40 M   for model L WR stars with very thin He envelope

Larger MHe and MCO of model L for a given MZAMS
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Distributions of Final Mass and Core Masses

MHe, MCO Small model dependence
Total mass

of the stellar evolution simulation for the WHW02 and WH07
models. For models with ZAMS masses up to ∼35Me

(WHW02) and ∼40Me (WH07), respectively, the CO-core
mass grows continuously with increasing initial mass, while the
envelope exhibits a different behavior: The helium envelope
remains approximately constant up to 20–25Me ZAMS mass.
For higher ZAMS masses, mass loss decreases the envelope mass
(hydrogen and helium) until at approximately 30–40Me ZAMS
mass, the models are almost completely stripped of their
envelope. The decrease of the H/He-envelope mass is mirrored
in the compactness. Beyond 30Me the rise in compactness
reflects the increasing CO-core mass, as these models have lost
virtually all of their H- and He-envelope. For initial masses above
40Me, the evolution is quite uncertain, in particular, because
mass loss is poorly understood. We include these models for
completeness; however, we caution the reader that they may be
quite uncertain. Moreover, successful explosions of models
beyond 30Me result in Type Ib or Ic SNe due to the loss of the
H- (and He-) envelope. More generally, the efficiency of
semiconvection and overshooting, together with the metallicity,
leads to a rather complex interplay of different burning
shells (Rauscher et al. 2002), which contributes to the rapid,
nonmonotonic variations in compactness with ZAMS mass
(Sukhbold & Woosley 2014; Sukhbold et al. 2018).

2.3. Hydrodynamic Simulations

Using the framework described in Section 2.1 and the initial
models from Section 2.2, we perform hydrodynamic simula-
tions of the collapse, bounce, and post-bounce phases. We
include the pre-explosion model up to the He-layer in the
hydrodynamic simulations with the exception of the low-mass
model s11.2, where the computational domain ends just below
the He-layer and a few models with ZAMS masses above
30Me with large pre-explosion mass loss. The total run time of
the simulation depends on its outcome, which we categorize
based on the explosion energy (representing the kinetic energy
of the ejected matter) and the central density (indicating black
hole formation if in excess of ∼1015g cm−3 and ultimately
diverging). We compute the explosion energy as in PaperI: we
assume that the total energy of the ejecta with rest-masses

subtracted eventually converts into kinetic energy of the
expanding supernova remnant at late times and we include
the gravitational binding energy of the progenitor (see also
Equations (12)–(17) in PaperI). For exploding models, we
define the explosion time texpl as the time when the shock
reaches 500 km, measured with respect to core bounce. We
distinguish between successful explosions, BH formation,
and failed explosions, defined as follows: (i) If a simulation
completes the set total simulation time of tfinal=5 s (approxi-
mately 4.6 s–4.8 s post-bounce) and/or has a saturated positive
explosion energy it corresponds to an explosion. (ii) If a
simulation forms a BH in the 5s run time it corresponds
to a nonexploding model (BH formation). (iii) If a simulation
has a negative explosion energy at times when PUSH is no
longer active (or at tfinal) it corresponds to a failed explosion
and hence a nonexploding model that will eventually form
a BH.

2.3.1. Entropy-gradient Criterion

As indicated in Section 2.1, the current version of the PUSH
heating term does not include the entropy-gradient criterion
anymore. Unlike simulations in spherical symmetry, multi-
dimensional simulations exhibit simultaneous downflow and
outflow of matter. These regions are at similar distances from
the PNS, but have quite different entropies (see, for example,
Pan et al. 2016). This is a fundamentally multidimensional
behavior and is difficult to reproduce in spherically symmetric
simulations. The spatial heating term r E,�( ) in PaperI
included a criterion (the entropy-gradient criterion) that
restricted heating to regions where the one-dimensional system
fulfills the condition for convective instability according to the
Schwarzschild criterion (i.e., to zones with ds dr 0< ). This
proved to be too restrictive in spherically symmetric simula-
tions and did not allow for the extended heating seen in
multidimensional systems. It introduces a self-canceling effect
of the increased heating efficiency on a relatively short
timescale. This severely limits the heating and considerably
confines the allowed parameter space. This self-canceling effect
of the heating due to the entropy-gradient criterion required
relatively small values of trise in PaperI and hence led to a
rapid evolution of the entropy profiles. When combined with
the observational constraints from SN1987A (explosion
energy and Ni ejecta yields), this resulted in relatively early
explosions. The explosion time impacts the location of the
mass cut and hence the ejecta mass. The mass cut determines
the total amount of Ni ejecta and also how much material with
Y 0.5e < is ejected (and hence the relative amounts of 57Ni and
58Ni). For early explosions, the mass cut resides deeper in the
pre-explosion structure while for late explosions the mass cut is
further out in the star. With the entropy criterion on (Paper I), it
was only possible to reproduce SN1987A if we imposed
0.1Me of fallback by hand. Generally, fallback consists of two
components: the early fallback, which can be only determined
in multidimensional simulations, and the late fallback, which
requires simulation times far longer than what is feasible with
the presented PUSH setup. The late fallback, due to shock
reflection at density jumps of outer shell boundaries is not
included in this study as its effect is considered to be small
(Sukhbold et al. 2016). In this work, we relaxed the entropy-
gradient criterion. In this case, a broader range of values for trise
allows for explosion with energies around 1Bethe. This can be
seen in Figure 5, which shows explosion energy as a function

Figure 4. Fe-core mass (black), CO-core mass (blue), He-shell mass (yellow),
and total mass including the H-envelope (red) as a function of ZAMS mass at
the onset of collapse for the WH07 progenitors.
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WH07 progenitors (KEPLER)
From Ebinger et al. (2019)
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Compactness Parameter ξ2.5

Suckbold et al. (2018)

Different ξ2.5 values for different overshoot parameters

Takashi Yoshida,  August 5, 2019, CCSN Workshop, University of Exeter, UK

of model 25M is shown in the right panel of Figure 15. We see
a large Si/O layer in this figure.

The compactness parameter, ξ2.5, is considered as a quantity
that correlates to the dynamics during the gravitational collapse
(O’Connor & Ott 2011). It is defined as the inverse of the
radius, inside which the mass of 2.5Me is enclosed,

x =
=R M M

2.5
2.5 1000 km

11
r

2.5 ( )
( )

:

Several works have reported that a small compactness
parameter is favorable for supernova explosions (Horiuchi
et al. 2014; Nakamura et al. 2015; Pejcha & Thompson 2015;
Sukhbold et al. 2016), although the criterion has not yet
converged (Ugliano et al. 2012; Ertl et al. 2016; Suwa et al.
2016; Burrows et al. 2018). This parameter is also important to
predict the neutrino emission (Horiuchi et al. 2017). The tight
correlation of ξ2.5 to the CO-core mass has been shown
(Limongi & Chieffi 2018), and a detailed study on the
compactness was performed by Sukhbold & Woosley (2014)
and Sukhbold et al. (2018). Effects of convective boundary
mixing in the advanced evolutionary stages on ξ2.5 was studied
by Davis et al. (2019).

Figure 16 shows the compactness parameter ξ2.5 of our
models. Although the results show a large scatter, ξ2.5 roughly
increases with ZAMS mass. The scatter is reduced when the x-
axis is changed from the ZAMS mass to the He-core mass
(panel (b)) as shown in Sukhbold et al. (2018). As for the
correlation between ξ2.5 and the He-core mass, the scatter is
small for the models with MHe5Me. Furthermore, we do
not see a clear dependence of ξ2.5 on fA in this mass range. For
more massive models, the scatter is larger, and the different
overshoot parameters influence ξ2.5 in a complicated manner.
Because of the limited number of our models, it is difficult to

make a detailed comparison between our results on the
compactness parameter (Figure 16) with Sukhbold et al.
(2018) (see their Figure 8). We do see a diversity of ξ2.5 in
MHe10Me; however, the range of ξ2.5 for MHe6Me is
almost within the same range as in Sukhbold et al. (2018).
Although a more systematic study needs to be done as in
Sukhbold et al. (2016, 2018), the overall feature (i.e., the
increasing trend of the compactness parameter with the ZAMS
masses) is roughly in accordance with Sukhbold et al. (2018).
Finally, Figure 17 shows the mass fraction distributions as a

function of the radius at the last step of nine models, the 2D
hydrodynamics simulations for which were performed but are
not shown in Figure 3.

Figure 15. Mass fraction distributions of the last time step of models 25MA (left panel) and 25M (right panel). The red, black, cyan, blue, magenta,green, and orange
lines correspond to the mass fractions of p, He, C, O, Ne, intermediate elements with Z=14–20 denoted as “Si,” and iron-peak elements with Z�21 denoted as
“Fe,” respectively.

Figure 16. Compactness parameter ξ2.5 as a function of MZAMS (panel (a)) and of MHe (panel (b)).
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Indeed, the comparison with Müller et al. (2016), who used
the corrected neutrino loss rate and sampled many more
models, is excellent, both in the location of structures and the
range of ξ2.5 within those structures. This agreement persists
despite the use of 4–10 times more mass shells in each of the
new models and a radical decrease in the surface boundary
pressure. The latter affected the mass lost by the star but did not
appreciably affect the helium core masses. There is no reason to
believe that still finer zoning, smaller time steps, or a different
reaction network will greatly alter these results, unless the code
physics itself (reaction rates, semiconvection, rotation, etc.) is
changed. The studies of Müller et al. (2016) and the present
work are mutually confirming.

4.3.3. New Results and the Ertl Parameterization

An important subsidiary question is whether ξ2.5 is really the
best measure for presupernova core structure. Might some of
the variability seen in Figure 8 be simply because of the choice
of a single arbitrary point in the star to sample its structure?
Perhaps other parameterizations might give less variability and
more reliable predictions? In particular, ξ2.5 is sensitive to

recent shell activity in the vicinity of 2.5Me that might not
always describe well what went on deeper inside.
The Ertl parameterization of our results is given in Figure 10.

As previously discussed (Section 4.3), the points beneath the
dashed line represent models that are more likely to explode in
a simple neutrino-transport scheme. Multivalued solutions are
clearly seen, especially for stars with μ4M4 less than 0.25. In
some ranges, the difference between solutions is enough to
significantly affect the probable outcome of the explosion. Stars
with μ4M4 less than 0.25 typically have masses less than
20Me. For more massive stars—and, in particular, for μ4M4

greater than 0.25—explosion seems quite unlikely. The reasons
for the multivalued solution are discussed in Section 5.
Also striking is the much tighter clustering of points in the

Ertl representation of our new models (Figure 10), in contrast
with an equivalent plot of “compactness” (Figure 8). The
results are less noisy and show less overall variability. This is
due to the obvious correlation between two Ertl parameters on
one hand, but it also presumably reflects the better representa-
tion of core structure by a two-parameter, physics-based
representation than a single parameter anchored to a single

Figure 8. (a) Compactness parameter for a fiducial mass of 2.5 Me evaluated at the presupernova stage shown for models below <19 Me as a function of initial mass
for the MN˙ set. Even where rapid variations occur, the scatter is not wholly random. Points tend to concentrate in one of several solutions. (b) Same points as in panel
(a), now shown as a function of helium core mass. The branching solutions are more clearly seen. The range of ξ2.5 seen in this mass range includes stars that might
explode or implode, and thus both outcomes are possible for stars with nearly identical initial mass. (c) Compactness for all three values of mass loss. Slight shifts
between the sets are due to the growth of the helium core by hydrogen-shell burning, resulting in a slightly larger compactness for the models with reduced mass loss.
(d) Same points as in panel (c), now shown as a function of helium core mass. Much of the shift seen in panel (c) is gone, since the helium core mass is a chief
determinant of the core structure.
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No clear dependence
Some branches of ξ2.5

Slight difference in convective region induces large ξ2.5 difference
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Multi-D simulations of O-shell burning 
just before the core-collapse 

X(Si)
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Asphericity of SN Progenitors

11

vθ perturbations in the Si/O layer of a 15 M! star (s15-2007)
Couch and Ott (2013)

The Astrophysical Journal Letters, 778:L7 (5pp), 2013 November 20 Couch & Ott

leakage scheme of O’Connor & Ott (2010), whose 3D version
was also employed in Ott et al. (2012, 2013). The neutrino
leakage scheme includes a multiplicative factor, fheat, in the
neutrino heating source term, which can be adjusted to yield
more efficient neutrino heating (i.e., fheat > 1). The leakage
scheme with fheat = 1.00 is tuned to match the multiangle,
multigroup full neutrino transport simulations of Ott et al.
(2008). In all simulations reported here, we use 3D Cartesian
geometry with a finest grid spacing dxmin = 0.49 km. Using
adaptive mesh refinement, we achieve a pseudo-logarithmic grid
by decrementing the maximum allowed refinement level as a
function of radius. The typical effective “angular” resolution is
0.◦37.

We use a single progenitor model, the 15 M⊙ star of Woosley
& Heger (2007). In order to study the dependence of 3D CCSN
simulations on asphericities extant in the progenitor, we apply
perturbations to the 1D stellar profile. We seed perturbations that
are convolutions of sinusoidal functions of radius and angle.
For simplicity, we perturb only the velocity in the spherical
θ -direction and leave all other variables untouched. The form of
the sinusoidal perturbation to vθ is

δvθ = MpertcS sin[(n − 1)θ ] sin[(n − 1)ζ ] cos(nφ) , (1)

where Mpert is the peak Mach number of the perturbations, cS is
the local adiabatic sound speed, n is the number of nodes in the
interval θ = [0,π ], and ζ = π (r−rpert,min)/(rpert,max −rpert,min).
The perturbations are only applied within a spherical shell
with radial limits rpert,min < r < rpert,max. We scale the
perturbations with local sound speed so that the peak amplitudes
of the perturbations are constant in Mach number, not absolute
velocity. This results in higher-speed perturbations at smaller
radii where the sound speeds are larger. Importantly, for odd
node numbers, Equation (1) results in zero net momentum
contribution to the initial conditions. We have verified this
experimentally to machine-precision.

3. RESULTS

We start our 3D simulations from the results of 1D simulations
at 2 ms after core bounce, and it is at this point that we apply the
perturbations given by Equation (1). In the results we discuss
here, we use a node count n = 5 and peak perturbation Mach
number Mpert = 0.2. This establishes large-scale perturbations
that are similar in extent and speed to some convective plumes
found in multi-D progenitor burning simulations (Meakin &
Arnett 2007; Arnett & Meakin 2011). We choose rpert,min to
correspond to the inner edge of the silicon shell (i.e., the outer
edge of the iron core). For this progenitor at the time of core
bounce, this corresponds to a radius of ∼1000 km. We set
rpert,max = 5000 km, which is sufficiently large to never reach
the shock during the simulated time period. Figure 1 shows a
pseudo-color plot of the perturbations used in this study.

We present the results of four 3D simulations, two perturbed
and two unperturbed. We use two different heat factors for
both perturbed and unperturbed case: fheat = 1.00 and a
slightly enhanced heating case with fheat = 1.02. We refer
to the simulations using the scheme n[node count]m[initial
perturbation Mach number, times ten] fheat [heat factor], such
that the perturbed model with enhanced heat factor is referred
to as “n5m2 fheat 1.02.”

We find that introducing plausibly scaled velocity perturba-
tions in the Si shell of the progenitor star can trigger a successful
explosion for cases in which an unperturbed simulation fails.

Figure 1. Example of the initial θ -velocity perturbations applied in this study.
Shown is the a meridional slice of the Mach number of the θ -direction velocity.
The arrows in the outer ring of perturbations show the local velocity directions.
(A color version of this figure is available in the online journal.)

Figure 2 shows several entropy volume renderings for models
n0m0 fheat 1.02 and n5m2 fheat 1.02 at three postbounce times.
The only difference between these two models is the presence
of initial velocity perturbations in the Si/O layer. Model n5m2
fheat 1.02 results in continued runaway shock expansion and
asymmetric explosion, as clearly shown, while model n0m0
fheat 1.02 fails to explode and the shock recedes to small radii.
At 100 ms, only shortly after the perturbations have reached the
shock, both simulations are quite similar showing strong con-
vection following the preceding period of shock expansion. By
200 ms, however, differences in the models are obvious. The
shock has already begun to recede in n0m0 fheat 1.02 while
model n5m2 fheat 1.02 has retained a large shock radius and is
on the verge of runaway shock expansion. The last frames show
the final states of the two simulations. Model n5m2 fheat 1.02
has exploded, resulting in a large, asymmetric shock structure,
while the shock has fallen back to ∼100 km in model n0m0
fheat 1.02.

In Figure 3, we present the time evolutions of several global
metrics for our four 3D simulations. The top panel of Figure 3
shows the average shock radius. All models, with the exception
of n5m2 fheat 1.02, fail to explode. Compared with the control
case, n0m0 fheat 1.00, both n0m0 fheat 1.02 and n5m2 fheat 1.00
show longer stalled-shock phases prior to shock recession. These
two intermediate cases, despite employing different heat factors,
show remarkably similar average shock radius histories. In the
case of the successful explosion, n5m2 fheat 1.02, the average
shock radius remains extremely similar to the comparable
unperturbed model, n0m0 fheat 1.02, until about 100 ms after
bounce. The average shock radius of n5m2 fheat 1.02 remains
relatively constant just below 200 km until tpb ∼ 200 ms at
which point the shock begins to expand rapidly, signaling the
onset of explosion.

The second panel of Figure 3 shows a measure of the
overall shock asymmetry, the normalized standard deviation
of the shock radius σ̃ . The shock asymmetry grows as n5m2
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Figure 2. Volume renderings of entropy for models n0m0 fheat 1.02 (left column)
and n5m2 fheat 1.02 (right column) at three different postbounce times, from
top to bottom: 100 ms, 200 ms, and 300 ms. The spatial scale is noted at the
bottom of each pane and increases with time. The PNS is visible in the center
of the renderings, marked by a magenta constant-density contour with value
1012 g cm−3.
(A color version of this figure is available in the online journal.)

fheat 1.02 experiences runaway shock expansion, indicating that
the explosion is aspherical, as is also clear from the bottom-right
panel of Figure 2. The failed explosions show comparatively
small values of σ̃ , implying relative sphericity of the shock
surface, until strong SASI oscillations set in after the shock has
receded (see Couch & O’Connor 2013).

The presence of pre-shock perturbations has substantial im-
pact on the neutrino heating efficiency, η = Qnet(Lνe

+ Lν̄e
)−1.

As shown in the third panel of Figure 3, for n5m2 fheat 1.00,
the heating efficiency history is very similar to that of n0m0
fheat 1.02. This implies that the perturbations drive nonra-
dial motion that increases the dwell time of material in the
gain region, significantly enhancing the fraction of neutrino
luminosity absorbed. For n5m2 fheat 1.02, the combination of
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Figure 3. Time evolution of the global explosion diagnostics for our simulations.
Four 3D simulations are shown: unperturbed models with fheat 1.00 (black
lines) and 1.02 (blue lines), and perturbed models with fheat 1.00 (green
lines) and 1.02 (red lines). The top panel shows the average shock radius.
The second panel shows the normalized standard deviation of the shock radius,
σ̃ = ⟨rshock⟩−1[(4π )−1

!
dΩ(rshock − ⟨rshock⟩)2]1/2. The third panel shows the

heating efficiency, η = Qnet(Lνe + Lν̄e )−1. The bottom panel shows the ratio of
advection-to-heating time scales.
(A color version of this figure is available in the online journal.)

fheat > 1 andpre-shock perturbations results in a sufficiently in-
creased heating efficiency to initiate a neutrino-driven explosion.
Also, η depends sensitively, and nonlinearly, on fheat. The time-
averaged heating efficiencies for simulations n0m0 fheat 1.00,
n0m0 fheat 1.02, n5m2 fheat 1.00, and n5m2 fheat 1.02 are 0.062,
0.080, 0.075, and 0.100, respectively.

It is almost exactly at the positive inflection in the average
shock radius curve of n5m2 fheat 1.02 (∼ 200 ms) that the critical
condition for explosion, τadv/τheat > 1 is satisfied (Figure 3;
Thompson 2000; Janka 2001; Buras et al. 2006; Fernández
2012). Here we define the average advection time through the
gain region as τadv = Mgain/Ṁ and the gain region heating time
as τheat = |Egain|/Qnet, where |Egain| is the total specific energy
of the gain region and Qnet is the net neutrino heating in the
gain region (cf. Müller et al. 2012; Ott et al. 2013). During
the stalled-shock phase of n5m2 fheat 1.02, around 100–200 ms,
the ratio τadv/τheat is growing continuously. Once this critical
ratio exceeds unity, thermal energy builds up in the gain region
faster than it can be advected out into the cooling layer and the
shock begins to expand.

In order to assess the magnitude of the perturbations as they
are actually impinging upon the shock, and their effect on the
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panel of Figure 2. The failed explosions show comparatively
small values of σ̃ , implying relative sphericity of the shock
surface, until strong SASI oscillations set in after the shock has
receded (see Couch & O’Connor 2013).

The presence of pre-shock perturbations has substantial im-
pact on the neutrino heating efficiency, η = Qnet(Lνe
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Four 3D simulations are shown: unperturbed models with fheat 1.00 (black
lines) and 1.02 (blue lines), and perturbed models with fheat 1.00 (green
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heating efficiency, η = Qnet(Lνe + Lν̄e )−1. The bottom panel shows the ratio of
advection-to-heating time scales.
(A color version of this figure is available in the online journal.)

fheat > 1 andpre-shock perturbations results in a sufficiently in-
creased heating efficiency to initiate a neutrino-driven explosion.
Also, η depends sensitively, and nonlinearly, on fheat. The time-
averaged heating efficiencies for simulations n0m0 fheat 1.00,
n0m0 fheat 1.02, n5m2 fheat 1.00, and n5m2 fheat 1.02 are 0.062,
0.080, 0.075, and 0.100, respectively.

It is almost exactly at the positive inflection in the average
shock radius curve of n5m2 fheat 1.02 (∼ 200 ms) that the critical
condition for explosion, τadv/τheat > 1 is satisfied (Figure 3;
Thompson 2000; Janka 2001; Buras et al. 2006; Fernández
2012). Here we define the average advection time through the
gain region as τadv = Mgain/Ṁ and the gain region heating time
as τheat = |Egain|/Qnet, where |Egain| is the total specific energy
of the gain region and Qnet is the net neutrino heating in the
gain region (cf. Müller et al. 2012; Ott et al. 2013). During
the stalled-shock phase of n5m2 fheat 1.02, around 100–200 ms,
the ratio τadv/τheat is growing continuously. Once this critical
ratio exceeds unity, thermal energy builds up in the gain region
faster than it can be advected out into the cooling layer and the
shock begins to expand.

In order to assess the magnitude of the perturbations as they
are actually impinging upon the shock, and their effect on the
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n5m2: Mpert = 0.2
Triggering a SN explosion

3D SN explosion simulation (leakage for ν)

Müller and Janka (2015)
Large-scale modes are favorable to SN explosion.
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3D Simulation of O/Si layer in a SN Progenitor
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3D simulations of the Si and Si/O-rich convective layers

(Müller et al. 2016)

3.1. Flow Dynamics for Quasi-Stationary Convection—
Quantitative Analysis and Comparison with MLT

To analyze the flow dynamics more quantitatively, we
consider the volume-integrated net nuclear energy generation

rate (including neutrino losses) in the oxygen shell, Qnuc˙ , the
volume-integrated turbulent kinetic energy,Erand q jE , ,con-
tained in the fluctuating components of radial and non-radial
velocity components, and profiles of the root-mean-square

Figure 3. Slices showing the mass fraction XSi of silicon (left column) and the radial velocity vr (right column) at times of 270 s, 286 s, and 293.5 s (onset of collapse)
after the beginning of the 3D simulation (top to bottom). vr is given in units of km s−1. Note that wave breaking at the outer boundary of the oxygen shell and the
global asymmetry of convective motions become more conspicuous at late times. At the onset of collapse, a bipolar flow pattern emerges (bottom row).
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(rms) averaged turbulent Mach number á ñMar
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velocity fluctuations in Figures 5 and 6. Er, q jE , , and
á ñMa2 1 2are computed from the velocity field as follows.
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We note that one does not expect any mean flow in the non-
radial directions in the absence of rotation; therefore, only vθ
and vj appear in Equation (10). In Figure 5, we also show the
results for Qnuc˙ and the kinetic energy in convective motions
from the 1D Kepler run for comparison. MLT only predicts the
radial velocities of rising and sinking convective plumes, so we

Figure 4. Volume rendering of the mass fraction of silicon at the end of the 3D simulation at 293.5 s (onset of collapse) on one patch of the Yin-Yang grid, showing
fuzzy silicon-rich updrafts of hot ashes (red) and silicon-poor downdrafts of fresh fuel. A global asymmetry in the updrafts is clearly visible. The inner boundary of the
oxygen shell (cyan) is relatively “hard” due to the strong buoyancy jump between the silicon and oxygen shell and therefore remains almost spherical.

Figure 5. Top: volume-integrated net nuclear energy generation rate Qnuc˙ in the
oxygen shell in the 3D simulation (black) and in Kepler (red). Bottom: kinetic
energies q jE , (black) and Er (blue) contained in fluctuating non-radial and
radial motions in the 3D simulation; see Equations (9) and(10) for definitions.
The MLT estimate of the volume-integrated kinetic energy Er,1D in radial
convective motions in the oxygen shell for the Kepler model (red) is computed
by using Equation (3) for the convective velocity assuming α1=1.
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X(Si)

vr (km/s)

Convective O/Si layer of a 18 M! star

(Couch and Ott 2015; Müller et al. 2016, 2019)

Si mass fractionTurbulent velocity
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SN Explosion from a 3D Progenitor
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Triggering explosion at ~330 ms for the 3D progenitor model

3D SN explosion simulations using the 3D progenitor model
(Müller et al. 2017)

496 B. Müller et al.

Figure 5. Entropy in the z–y-plane at 80, 200, 300, and 400 ms after bounce (top to bottom) in models s18-3D (left column), s18-3Dr (middle column) and
s18-1D (right column). At 80 ms (top row), all three models show the development of neutrino-driven convection without any noticeable influence of initial
perturbations. At 200 ms (second) row, infalling perturbations start to interact with large-scale SASI oscillations in s18-3D and s18-3Dr. At 300 ms (third row),
s18-3D is on the way to shock-revival aided by forced-shock deformation, and infalling perturbations largely destroy SASI oscillations in s18-3Dr. At 400 ms
(bottom row), model s18-3Dr also exhibit strong forced shock deformation, while model s18-1D continues to be dominated by the SASI spiral mode.

reduction in critical luminosity in a quasi-spherical picture along
the lines of Müller & Janka 2015 and Summa et al. 2016). The
mechanism of forced shock deformation crucially depends on the
modification of the large-scale flow structure; and one of the key

effects seems to be that variations in ram pressure facilitate the
formation of stable, high-entropy bubbles that eventually reach a
sufficient scale and density contrast to expand continuously due to
buoyancy, which is critical for runaway shock expansion in multi-D
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Figure 2. Slices showing the mass fraction XSi of silicon at the onset of collapse in models s18-3Dr (left) and s18-3D (right). Both models are characterized
by 2–3 silicon rich plumes (darker shades of blue. Due to the higher convective velocities, the boundary between the oxygen shell and the carbon shell is more
strongly distorted by interfacial wave breaking in model s18-3D.)

Figure 3. Top panel: Evolution of the maximum, minimum and average
shock radius (thick solid and dashed curves), the gain radius (dotted) and
the radii corresponding to densities of 1011 g cm−3 and 1012 g cm−3 (thin
solid lines) for models s18-1D (black), s18-3Dr (blue) and s18-3D (red).
Bottom panel: Mass accretion rate Ṁ for s18-1D, s18-3Dr and s18-3D,
measured at a radius of 400 km.

three models in Fig. 4. Meridional slices of the entropy for all three
models at selected times are presented in Fig. 5.

As expected, differences between the 3D models are minute at
early times. A minor peculiarity of model s18-1D is the develop-
ment of more violent prompt convection and shock ringing prior to
50 ms after bounce. This behaviour is connected to the imposition
of random seed perturbations in s18-1D on the entire grid, i.e. also
in the Fe and Si core, which is not explicitly perturbed in models
s18-3D and s18-3Dr. Moreover, patching the 3D O shell burning
simulation and the core of the 1D stellar evolution model together
results in slight hydrostatic adjustment in model s18-3D, which
slightly reduces the mass accretion rate and the electron flavour
luminosity (top panel of Fig. 4) compared to s18-1D and s18-3Dr.
Despite these differences, the shock trajectories in the three mod-
els nonetheless converge again after this transient phase of prompt
convection. 80 ms after bounce (top row Fig. 5), they all show very
similar shock radii and incipient neutrino-driven convection with
small-scale plumes of similar size.

The evolution of the models starts to diverge around 150 ms after
bounce with slightly larger shock radii in models s18-3D and s18-
3Dr. This is well before the arrival of the Si/O shell interface at
200 − 250 ms, but convection in the O shell can already make itself
felt by generating density perturbations in the stable Si shell (via
g-mode excitation), which will then undergo amplification during
collapse (Lai & Goldreich 2000). Shortly before the arrival of the
Si/O shell interface, the density perturbations ahead of the shock can
already become sizeable. To quantify the level of pre-shock density
perturbations, we evaluate the root-mean-square (RMS) deviation
of the density ρ from its spherical average ⟨ρ⟩

δρ(r) =
!"

(ρ − ⟨ρ⟩)2 d#

4π

#1/2

, (2)

at a radius r of 250 km (Fig. 6, top panel).
Prior to the arrival of the Si/O interface, the scale of the in-

falling density perturbations remains small, however. Only once the
O shell reaches the shock do we observe large-scale density pertur-
bations in s18-3D and s18-3Dr with angular wavenumbers ℓ ≈ 2

MNRAS 472, 491–513 (2017)Downloaded from https://academic.oup.com/mnras/article-abstract/472/1/491/4060728
by University of Tokyo Library user
on 24 January 2018
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3D nuclear hydrodynamics code for Stellar EVolution (3DnSEV)
A branch of 3DnSNe (e.g., Takiwaki et al. 2016, Nakamura et al. 2016)

Nuclear reaction network of 21 species of nuclei (aprox21)
(Paxton et al. 2011)

Tabulated EOS of Helmholtz (Timmes & Swesty 2000)

Nr × Nθ = 512 × 128 meshes

Nuclear statistical equilibrium is assumed in T > 5×109 K

2D Simulations of Massive Star Evolution

Neutrino cooling (Itoh et al. 1996)

Calculations of the evolution for ~100 s until Tc= 9×109 K
11 models having large fM,SiO and/or fV,SiO

Analysis
Turbulent Mach number
Si mass fraction distribution
Typical scale of the convection
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Table 2 in Yoshida et al. (2019)

(< 0.1)

(> 0.1)

*

We will mainly show the results of models 25M, and 27LA.
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BMiQ irQ ;`QmTb- 2Bi?2` b?QrBM; ǳHQr@MaǴ Q` ǳ?B;?@MaǴX
h?2 +`Bi2`BQM Q7 ?B;?@Ma Bb b2i �b ⟨Ma2⟩1/2max ≥ 0.1-
#2+�mb2 i?2 im`#mH2M+2 rBi? bm+? � ?B;? J�+? MmK@
#2` TQi2MiB�HHv 7Qbi2`b i?2 T2`im`#�iBQM@�B/2/ 2tTHQbBQM
UJɃHH2` � C�MF� kyR8c JɃHH2` 2i �HX kyReVX Ai Bb MQi2/
i?�i KQ/2Hb R3MA �M/ kRMA �`2 2t+2TiBQM�HHv +H�bbB}2/
BMiQ HQr@Ma BM bTBi2 Q7 i?2B` ǳH�`;2Ǵ J�+? MmK#2`bX q2
/Bb+mbb i?Bb H�i2` BM i?Bb a2+iBQMX h?2 +QHmKM ǳG�v2`Ǵ BM
h�#H2 k `2T`2b2Mib i?2 /QKBM�Mi +?2KB+�H +QKTQbBiBQM
BM i?2 +QMp2+iBp2 H�v2`- BX2X- i?2 aBfP H�v2` Q` i?2 PfaB
H�v2`X q2 �HbQ b?Qr i?2 K�bb 7`�+iBQM /Bbi`B#miBQM Q7
KQ/2Hb RjGA �M/ k8J BM 6B;m`2 jX 6Q` Qi?2` KQ/2Hb-

i?2 K�bb 7`�+iBQM /Bbi`B#miBQMb �`2 b?QrM BM 6B;m`2 Rd BM
�TT2M/BtX a22 i?2 H�bi T�`i Q7 i?2 T`2pBQmb bm#b2+iBQM
7Q` i?2 /2}MBiBQM Q7 i?2 H�v2`X

hBK2 2pQHmiBQM Q7 +QMp2+iBp2 KQiBQM ěAM 6B;m`2 9- r2
b?Qr i?2 iBK2 2pQHmiBQM Q7 i?2 im`#mH2Mi J�+? MmK#2`
�M/ i?2 aB K�bb 7`�+iBQM 7Q` `2T`2b2Mi�iBp2 KQ/2Hb 7`QK
HQr@Ma URjGA- iQTV �M/ ?B;?@Ma Uk8J- KB//H2- �M/
kdGA- #QiiQKVX h?2 +QHQ` pBbm�HBx2b i?2 �M;H2@�p2`�;2/
im`#mH2Mi J�+? MmK#2` ⟨Ma2⟩1/2 UH27iV �M/ i?2 28aB
K�bb 7`�+iBQM XUaBV U`B;?iVX LQi2 i?�i i?2 Qmi2` `�/B�H
7`�K2 Q7 i?2 T�M2Hb 7Q` KQ/2H kdGA Bb b2i iQ #2 8× 109

+K- BM Q`/2` iQ b?Qr ?Qr i?2 Qmi2` 2/;2 Q7 i?2 +QM@
p2+iBp2 `2;BQM F22Tb KQpBM; Qmir�`/ �M/ `2�+?2b i?Bb
`�/Bmb �i i?2 2M/X

h?2 KQ/2H RjGA ?�b MQ aBfP H�v2`X h?Bb bi�` ?�b �M
62 +Q`2 �i i?2 +2Mi`�H `2;BQM Q7 R ! 2×108 +K- r?B+? Bb
bm``QmM/2/ #v i?2 +QMp2+iBp2 aBf62 H�v2` UR ∼kĜ9 ×108

+KV �M/ i?2 +QMp2+iBp2 PfaB H�v2` UR "9 ×108 +KVX
h?2 aB K�bb 7`�+iBQM �i aBf62 H�v2` Bb ∼yX8 Ub22 i?2 iQT
T�M2H Q7 6B;m`2 jVX �b b?QrM BM i?2 iQT `B;?i T�M2H Q7
6B;m`2 9- i?2 aB K�bb 7`�+iBQM Bb bK�HH +QKT�`2/ iQ i?�i
Q7 k8J KQ/2H i?�i Bb b?QrM BM i?2 KB//H2 `B;?i T�M2H Q7
6B;m`2 9X _2~2+iBM; i?Bb bi`m+im`2- i?2 im`#mH2Mi J�+?
MmK#2` Bb HQr2` i?�M yXR BM i?2 BMM2` aBf62 H�v2` �M/
BM i?2 Qmi2` PfaB H�v2` i?`Qm;?Qmi i?2 bBKmH�iBQM Ub22

*
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Mass Fraction Distribution

Multi-D simulations of Oxygen shell burning 7

The result is shown in Figure 2, in which cM = 8 and
cV = 0.025 are applied. We do not see clear depen-
dencies among di↵erent treatments of overshoot. Some
models in the ZAMS mass range & 22M� show large
(& 0.6) fM,SiO values. In the volume weighted case,
the ZAMS mass range showing the models having large
(& 0.9) fV,SiO values is 13–28 M�. From this result, we
have selected 11 models, in which either fM,SiO or fV,SiO,
or possibly both of them, shows a large value. Mod-
els showing the seven highest fM,SiO values are mod-
els 28M, 23Lov,c, 25M, 28Lov,c, 27Lov,c, 27M, and 22L.
Models showing the six highest fV,SiO values are models
13Lov,c, 28M, 21Mov,c, 25M, 16Mov,c, 18Mov,c. Among
them, models 25M and 28M show large values for both
fM,SiO and fV,SiO. The actual values of the parameters
are shown in the second and third columns of Table 2.
For later convenience, we separate the SiO-rich layer

into the “Si/O” layer and the “O/Si” layer. The “Si/O”
layer has larger Si mass fraction than O mass fraction
in the layer, i.e., X(28Si) � X(16O) and X(16O) � 0.1.
Whereas the “O/Si” layer has the relation of 0.1 
X(28Si) < X(16O). Then, we may classify these 11
models into two groups having di↵erent structures of the
SiO-rich layer. One group has an extended O/Si layer in-
stead of the O/Ne layer above the Si/Fe layer. The other
group has a Si/O layer between the inner Si/Fe layer
and the outer O/Ne layer. The former group consists
of models 13Lov,c, 16Mov,c, 18Mov,c, 21Mov,c, 23Lov,c,
27Lov,c, and 28M. The top panel of Figure 3 shows the
mass fraction distribution of model 13Lov,c as a function
of radius. The radius of the outer boundary of the O/Si
layer is ⇠ 3⇥ 109 cm. This layer was originally formed
as an O/Ne layer. Neon burning has started after the
core silicon burning phase, transforming neon into oxy-
gen and silicon. In case of models 18Mov,c, 21Mov,c and
23Lov,c, a thin Si/O layer exists between the Si/Fe layer
and the O/Si layer with a width of less than 3⇥108 cm.
Models in the latter group have the layered structure,

in which the innermost Fe core is surrounded by the
Si/Fe, Si/O, and O/Ne layers. Models 22L, 25M, 27M,
and 28Lov,c comprise this group. The bottom panel of
Figure 3 shows the mass fraction distribution of model
25M, an example of this latter group. The model has
the Si/O layer between 3 ⇥ 108 cm and 1.1 ⇥ 109 cm.
For other models in this group, the width of the Si/O
layer is typically several times 108 cm.

3.2. 2D Stellar Hydrodynamics Simulations

In order to investigate the convective activities in a
multi-dimensional space, we perform 2D hydrodynam-
ics simulations of oxygen shell-burning. In the previ-
ous subsection, we picked up 11 models that show large
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Figure 3. Mass fraction distributions of models 13Lov,c (top
panel) and 25M (bottom panel) as a function of radius at
the last step. Red, black, cyan, blue, magenta, green, and
orange correspond to the mass fractions of p, He, C, O, Ne,
intermediate elements with Z = 14–20 denoted as “Si”, and
iron-peak elements with Z � 21 denoted as “Fe”, respec-
tively.

SiO-coexistence parameters, fM,SiO and/or fV,SiO. Pro-
files of these models at ⇠100 s before the end of the 1D
calculations are taken as the initial conditions. The 2D
calculations are proceeded until the central temperature
reaches 9⇥109 K, by which point the stars have started
runaway collapse due to the gravitational instability.
Following Müller et al. (2016), we evaluate the angle-

averaged turbulent Mach number as an indicator of the
turbulence strength,

hMa
2i1/2(r) =

"R
⇢{(vr � hvri)2 + v

2
✓ + v

2
�}d⌦R

⇢c2sd⌦

#1/2

,

(8)
where ⇢ is the density, vr, v✓, and v� are the radial,
tangential, and azimuthal velocities, hvri is the angle-

Mass fraction distributions of models 25M and 27LA

Large Si/O layer

Large O/Si layer, Ne depleted at the bottom

Si/O
O/Si

Figure 17. (a) Same as Figure 3 but for models 16MA (top left), 18MA (top right), 21MA (middle left), 22L (middle right), 23LA (bottom left), and 27LA (bottom
right). (b) Same as Figure 3 but for 27M (top left), 28LA (top right), and 28M (bottom).
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model 27LA



Time Evolution of model 25M

17

Model 25M
Si mass fractionRadial turbulent Mach number

Mar = vr /cs − ⟨vr⟩/⟨cs⟩
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Time Evolution of model 27LA

18

Model 27LA

Si mass fractionRadial turbulent Mach number
Mar = vr /cs − ⟨vr⟩/⟨cs⟩

Takashi Yoshida,  August 5, 2019, CCSN Workshop, University of Exeter, UK



19

Time Evolution of Radial Profiles
25M (High Ma (1))

Si enhancement in r ~ (4–11)×108 cm
⟨Ma2⟩1/2 < 0.16

Turbulent Mach number
⟨Ma2⟩1/2(r) = [

∫ ρ[(vr − ⟨vr⟩)2 + v2
θ + v2

ϕ]dΩ
∫ ρc2s dΩ ]

1/2
Si mass fraction

22L, 27M, 28LA Similar convection features

turbulence with such a high Mach number potentially fosters
the perturbation-aided explosion (Müller & Janka 2015; Müller
et al. 2016). It is noted that models 18MAand 21MAare
exceptionally classified into low Ma despite their “large” Mach
numbers. We discuss this later in this section. The column
“Layer” in Table 2 represents the dominant chemical
composition in the convective layer, i.e., the Si/O layer or
the O/Si layer. We also show the mass fraction distribution of
models 13LA and 25M in Figure 3. For other models, the mass
fraction distributions are shown in Figure 17 in the Appendix.
See the last part of the previous subsection for the definition of
the layer.

Time evolution of convective motion—In Figure 4, we show
the time evolution of the turbulent Mach number and the Si
mass fraction for representative models from low Ma (13LA,
top) and high Ma (25M, middle, and 27LA, bottom). The color
visualizes the angle-averaged turbulent Mach number á ñMa2 1 2

(left) and the 28Si mass fraction X(Si) (right). Note that the
outer radial frame of the panels for model 27LA is set to

8×109 cm in order to show how the outer edge of the
convective region keeps moving outward and reaches this
radius at the end.
The model 13LA has no Si/O layer. This star has an Fe core

at the central region of R2×108 cm, which is surrounded
by the convective Si/Fe layer (R∼2–4×108 cm) and the
convective O/Si layer (R4×108 cm). The Si mass fraction
at the Si/Fe layer is ∼0.5 (see the top panel of Figure 3). As
shown in the top-right panel of Figure 4, the Si mass fraction is
small compared to that of the 25M model that is shown in the
middle right panel of Figure 4. Reflecting this structure, the
turbulent Mach number is lower than 0.1 in the inner Si/Fe
layer and in the outer O/Si layer throughout the simulation (see
the top-left panel of Figure 4). However, oxygen burning
slightly enhances the 28Si mass fraction in the base region of
the O/Si layer of ∼4–8×108 cm. Note that á ñMa2

max
1 2 in

Table 2 is estimated at the end of the simulations, and it does
not refer to the peak seen at ∼4×108 cm at ∼30 s.

Figure 4. The time and radial distributions of the angle-averaged convective Mach number á ñMa2 1 2 (left panels) and the 28Si mass fraction (right panels). Top,
middle, and bottom panels are for models 13LA, 25M, and 27LA, respectively.

7

The Astrophysical Journal, 00:000000 (20pp), 2019 Month Day Yoshida et al.

turbulence with such a high Mach number potentially fosters
the perturbation-aided explosion (Müller & Janka 2015; Müller
et al. 2016). It is noted that models 18MAand 21MAare
exceptionally classified into low Ma despite their “large” Mach
numbers. We discuss this later in this section. The column
“Layer” in Table 2 represents the dominant chemical
composition in the convective layer, i.e., the Si/O layer or
the O/Si layer. We also show the mass fraction distribution of
models 13LA and 25M in Figure 3. For other models, the mass
fraction distributions are shown in Figure 17 in the Appendix.
See the last part of the previous subsection for the definition of
the layer.

Time evolution of convective motion—In Figure 4, we show
the time evolution of the turbulent Mach number and the Si
mass fraction for representative models from low Ma (13LA,
top) and high Ma (25M, middle, and 27LA, bottom). The color
visualizes the angle-averaged turbulent Mach number á ñMa2 1 2

(left) and the 28Si mass fraction X(Si) (right). Note that the
outer radial frame of the panels for model 27LA is set to

8×109 cm in order to show how the outer edge of the
convective region keeps moving outward and reaches this
radius at the end.
The model 13LA has no Si/O layer. This star has an Fe core

at the central region of R2×108 cm, which is surrounded
by the convective Si/Fe layer (R∼2–4×108 cm) and the
convective O/Si layer (R4×108 cm). The Si mass fraction
at the Si/Fe layer is ∼0.5 (see the top panel of Figure 3). As
shown in the top-right panel of Figure 4, the Si mass fraction is
small compared to that of the 25M model that is shown in the
middle right panel of Figure 4. Reflecting this structure, the
turbulent Mach number is lower than 0.1 in the inner Si/Fe
layer and in the outer O/Si layer throughout the simulation (see
the top-left panel of Figure 4). However, oxygen burning
slightly enhances the 28Si mass fraction in the base region of
the O/Si layer of ∼4–8×108 cm. Note that á ñMa2

max
1 2 in

Table 2 is estimated at the end of the simulations, and it does
not refer to the peak seen at ∼4×108 cm at ∼30 s.

Figure 4. The time and radial distributions of the angle-averaged convective Mach number á ñMa2 1 2 (left panels) and the 28Si mass fraction (right panels). Top,
middle, and bottom panels are for models 13LA, 25M, and 27LA, respectively.
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Time Evolution of Radial Profiles
27LA (High Ma (2))

Convection region increases (mixing with Ne).
Turbulent Mach number increases with time in the O/Si layer.

Turbulent Mach number
⟨Ma2⟩1/2(r) = [

∫ ρ[(vr − ⟨vr⟩)2 + v2
θ + v2

ϕ]dΩ
∫ ρc2s dΩ ]

1/2
Si mass fraction

28M Similar convection feature
turbulence with such a high Mach number potentially fosters
the perturbation-aided explosion (Müller & Janka 2015; Müller
et al. 2016). It is noted that models 18MAand 21MAare
exceptionally classified into low Ma despite their “large” Mach
numbers. We discuss this later in this section. The column
“Layer” in Table 2 represents the dominant chemical
composition in the convective layer, i.e., the Si/O layer or
the O/Si layer. We also show the mass fraction distribution of
models 13LA and 25M in Figure 3. For other models, the mass
fraction distributions are shown in Figure 17 in the Appendix.
See the last part of the previous subsection for the definition of
the layer.

Time evolution of convective motion—In Figure 4, we show
the time evolution of the turbulent Mach number and the Si
mass fraction for representative models from low Ma (13LA,
top) and high Ma (25M, middle, and 27LA, bottom). The color
visualizes the angle-averaged turbulent Mach number á ñMa2 1 2

(left) and the 28Si mass fraction X(Si) (right). Note that the
outer radial frame of the panels for model 27LA is set to

8×109 cm in order to show how the outer edge of the
convective region keeps moving outward and reaches this
radius at the end.
The model 13LA has no Si/O layer. This star has an Fe core

at the central region of R2×108 cm, which is surrounded
by the convective Si/Fe layer (R∼2–4×108 cm) and the
convective O/Si layer (R4×108 cm). The Si mass fraction
at the Si/Fe layer is ∼0.5 (see the top panel of Figure 3). As
shown in the top-right panel of Figure 4, the Si mass fraction is
small compared to that of the 25M model that is shown in the
middle right panel of Figure 4. Reflecting this structure, the
turbulent Mach number is lower than 0.1 in the inner Si/Fe
layer and in the outer O/Si layer throughout the simulation (see
the top-left panel of Figure 4). However, oxygen burning
slightly enhances the 28Si mass fraction in the base region of
the O/Si layer of ∼4–8×108 cm. Note that á ñMa2

max
1 2 in

Table 2 is estimated at the end of the simulations, and it does
not refer to the peak seen at ∼4×108 cm at ∼30 s.

Figure 4. The time and radial distributions of the angle-averaged convective Mach number á ñMa2 1 2 (left panels) and the 28Si mass fraction (right panels). Top,
middle, and bottom panels are for models 13LA, 25M, and 27LA, respectively.
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iQ ?�p2 � ?QKQ;2M2Qmb +?2KB+�H +QKTQbBiBQM Ub22 i?2
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3 × 108 +K Bb �+im�HHv +QKTQb2/ Q7 bK�HH �KQmMi Q7
Qtv;2M rBi? sU16PV< 0.01X h?2 Qtv;2M@7`22 `2;BQM
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Power Spectra of Radial Velocity

⟨Ma2⟩1/2
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Figure 6. Power spectra of the radial velocity dispersion c2`
at r(hMa2i1/2) for models 13Lov,c (top panel), 25M (middle
panel), and 27Lov,c (bottom panel) in the 2D simulations.

lated as

c
2
` =

����
Z
(vr � hvri)Y ⇤

`0(✓)d⌦

����
2

, (9)

where Y`m(✓) is the spherical harmonics function of de-
gree ` and order m. `max in the table represents ` value,
at which c

2
` has a peak.

Figure 6 shows the power spectrum c
2
` at three di↵er-

ent times for models 13Lov,c (top), 25M (middle), and
27Lov,c (bottom). For model 13Lov,c, c2` has a maximum
at ` = 12, but the spectrum is rather flat and less en-
ergetic. The radius of the highest Mach number in the
O/Si layer is 1.16 ⇥ 109 cm. Although the convective
mixing occurs in the inner region of R . 6⇥108 cm, the
turbulent velosity is lower than the outer region at the
last step. Large scale convection in the O/Si layer is not
developed probably because of small turbulent motion.
Model 16Mov,c indicate `max = 4 and the trend of the
power spectrum is similar to model 13Lov,c. For other
low-Mamodels, models 18Mov,c and 21Mov,c show large
`max (see Table 2) . This trend is roughly consistent
with the analysis of convective eddy scale relating to
the scale of the convective layer and the typical radius
of the layer (e.g., Müller et al. 2016). In these models,
the SiO-rich layer is thin compared to the radius of the
layer.
In models 25M and 27Lov,c, high-Ma models, the

power spectrum peaks at `max = 3 and 2, respectively,
and the spectrum decreases with increasing ` above that.
Models 22L and 28M show a similar power spectrum to
model 27Lov,c. For these models, large-scale convective
eddies have been developed. On the other hand, mod-
els 27M and 28Lov,c indicate larger ` values probably
owing to thin SiO-rich layer.

3.3. 3D Stellar Hydrodynamics Simulation

A 3D hydrodynamics simulation is conducted using
the 1D model 25M as the initial condition. The size of
the convective region of model 25M would be suitable for
investigating multidimensional e↵ects of the structure of
presupernova star to the SN explosion. The hydrody-
namical evolution is followed ⇠100 s until the central
temperature reaches 9 ⇥ 109 K, at which point the Fe
core is unstable enough to collapse.
Figure 7 shows the time evolution of the 28Si mass

fraction distribution of model 25M. The initial distribu-
tion of the 28Si mass fraction is spherically symmetric
(top left panel). After the start of the simulation, the
convection in the Si/O layer develops from the inner re-
gion. We see that Si-enriched plumes go up into the Si/O
layer (top right panel). The convective motion reaches
a steady flow by ⇠20 s. The inhomogeneous 28Si mass
fraction distribution introduced by the convection at 30
s is shown in the middle left panel. After a while, the
turbulent velocity becomes small. We will discuss the
mechanism of this weakening later.
At ⇠70 s, the Si/O layer gradually contracts, trigger-

ing the strong oxygen shell-burning at the bottom of
the Si/O layer. This strong burning drives high-velocity
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`max (see Table 2) . This trend is roughly consistent
with the analysis of convective eddy scale relating to
the scale of the convective layer and the typical radius
of the layer (e.g., Müller et al. 2016). In these models,
the SiO-rich layer is thin compared to the radius of the
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In models 25M and 27Lov,c, high-Ma models, the
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Models 22L and 28M show a similar power spectrum to
model 27Lov,c. For these models, large-scale convective
eddies have been developed. On the other hand, mod-
els 27M and 28Lov,c indicate larger ` values probably
owing to thin SiO-rich layer.

3.3. 3D Stellar Hydrodynamics Simulation

A 3D hydrodynamics simulation is conducted using
the 1D model 25M as the initial condition. The size of
the convective region of model 25M would be suitable for
investigating multidimensional e↵ects of the structure of
presupernova star to the SN explosion. The hydrody-
namical evolution is followed ⇠100 s until the central
temperature reaches 9 ⇥ 109 K, at which point the Fe
core is unstable enough to collapse.
Figure 7 shows the time evolution of the 28Si mass

fraction distribution of model 25M. The initial distribu-
tion of the 28Si mass fraction is spherically symmetric
(top left panel). After the start of the simulation, the
convection in the Si/O layer develops from the inner re-
gion. We see that Si-enriched plumes go up into the Si/O
layer (top right panel). The convective motion reaches
a steady flow by ⇠20 s. The inhomogeneous 28Si mass
fraction distribution introduced by the convection at 30
s is shown in the middle left panel. After a while, the
turbulent velocity becomes small. We will discuss the
mechanism of this weakening later.
At ⇠70 s, the Si/O layer gradually contracts, trigger-

ing the strong oxygen shell-burning at the bottom of
the Si/O layer. This strong burning drives high-velocity

25M 27LA

c2
ℓ = ∫ (vr − ⟨vr⟩)Y*ℓ0(θ)dΩ

2

ℓmax = 2 − 3 for models 25M, 27LA, 22L, 28M

27M, 28LA

Large-scale convection eddies … Favorable to SN explosion

Larger         due to thin Si/O layerℓmax

Takashi Yoshida,  August 5, 2019, CCSN Workshop, University of Exeter, UK



22

3D nuclear hydrodynamics code for Stellar EVolution (3DnSEV)
Input physics is the same as in the 2D simulations

3D Simulations of Massive Star Evolution

Calculations of the evolution for ~100 s until Tc= 9×109 K

model 25M …Large-scale convection for a few periods

Analysis
Turbulent Mach number
Si mass fraction distribution
Typical scale of the convection

Nr × Nθ × Nφ = 512 × 64 × 128 meshes
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Si mass fraction distribution of model 25M
Si Mass Fraction Distribution in 3D
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Turbulent Mach number

Evolution of model 25M in 3D

⟨Ma2⟩1/2(r) = [
∫ ρ[(vr − ⟨vr⟩)2 + v2

θ + v2
ϕ]dΩ

∫ ρc2s dΩ ]
1/2

Si mass fraction
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Figure 8. The angle-averaged radial and time distribution
of the Mach number hMa2i1/2 (top) and the 28Si mass frac-
tion (bottom) of model 25M.

turbulence and expands the Si/O layer. We see some
28Si enriched plumes flow from the inner region of the
Si/O layer at 75 s (see red region in the middle right
panel). As a result, the high-velocity turbulent flow
mixes with the surroundings and increases the Si mass
fraction in the whole Si/O layer. The 28Si mass fraction
in the Si/O layer slightly increases from about 0.36 at 30
s to 0.38 at 90 s (bottom left panel). The convective mo-
tion in the Si/O layer continues until the last step of the
simulation. We see inhomogeneous 28Si mass fraction
distribution at the last step (bottom right panel).
In Figure 8, the time evolution of hMa

2i1/2 and the
28Si mass fraction obtained from the 3D simulation is
shown. As shown by the left yellow region in the top
panel, the convective motion with hMa

2i1/2 ⇠ 0.1 is ob-
tained in the Si/O layer at ⇠20 s. The bottom panel
shows that the 28Si mass fraction is enhanced in this
layer by that time. After a while, the Si/O layer slightly
expands and the convective motion weakens. The aver-
aged Si mass fraction in the Si/O layer does not change
significantly from 20 s to 70 s.
By ⇠70 s, the Fe core contracts and silicon shell burn-

ing as well as oxygen shell burning is enhanced. Because
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Figure 9. The power spectrum of the convective radial
velocity c2` at R = 5.8 ⇥ 108 cm for model 25M taken at
three di↵erent times of 90.0, 100.0, and 105.6 s in the 3D
simulation.

of this, the turbulent Mach number becomes large not
only at R ⇠ 3–12 ⇥108 cm but also at R ⇠ 2⇥ 108 cm.
In addition, the Si-rich material at the bottom of the
Si/O layer is carried into the Si/O layer through this
convective motion and the 28Si mass fraction in this re-
gion increases during ⇠70–80 s.
From ⇠90 s, the convective motion becomes weak

again. The whole Si/O layer gradually contracts to-
wards the core-collapse. Meanwhile, the base temper-
ature of the Si/O layer increases, boosting the oxygen
shell burning. This results in the enhancement of the
convective motion at the bottom of the Si/O layer. The
Si/O layer at the end of the simulation is distributed
from 3.0⇥108 cm to 10.5⇥108 cm. The maximum radial
convective Mach number is hMa

2i1/2 = 0.087, which is
obtained at R = 3.6⇥ 108 cm.
Figure 9 shows the power spectrum of the radial con-

vective velocity c
2
` at R = 5.8 ⇥ 108 cm taken at three

di↵erent times. The radius, which is located in the mid-
dle of the convective Si/O layer, is determined from the
radius where the maximum hMa

2i1/2 is obtained in the
2D simulation. Similar to the 2D case, the power spec-
trum in the 3D case is calculated as

c
2
` =

X̀

m=�`

����
Z

(vr � hvri)Y ⇤
`m(✓,�)d⌦

����
2

. (10)

The power spectrum c
2
` in the 3D simulation peaks at

` = 2. This is consistent with the finding in Müller
et al. (2016) for the 18M� star. The small maximum
mode means that the convective motion is dominated
by a large-scale flow. The main di↵erence between 2D
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Si/O layer at 75 s (see red region in the middle right
panel). As a result, the high-velocity turbulent flow
mixes with the surroundings and increases the Si mass
fraction in the whole Si/O layer. The 28Si mass fraction
in the Si/O layer slightly increases from about 0.36 at 30
s to 0.38 at 90 s (bottom left panel). The convective mo-
tion in the Si/O layer continues until the last step of the
simulation. We see inhomogeneous 28Si mass fraction
distribution at the last step (bottom right panel).
In Figure 8, the time evolution of hMa

2i1/2 and the
28Si mass fraction obtained from the 3D simulation is
shown. As shown by the left yellow region in the top
panel, the convective motion with hMa

2i1/2 ⇠ 0.1 is ob-
tained in the Si/O layer at ⇠20 s. The bottom panel
shows that the 28Si mass fraction is enhanced in this
layer by that time. After a while, the Si/O layer slightly
expands and the convective motion weakens. The aver-
aged Si mass fraction in the Si/O layer does not change
significantly from 20 s to 70 s.
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of this, the turbulent Mach number becomes large not
only at R ⇠ 3–12 ⇥108 cm but also at R ⇠ 2⇥ 108 cm.
In addition, the Si-rich material at the bottom of the
Si/O layer is carried into the Si/O layer through this
convective motion and the 28Si mass fraction in this re-
gion increases during ⇠70–80 s.
From ⇠90 s, the convective motion becomes weak

again. The whole Si/O layer gradually contracts to-
wards the core-collapse. Meanwhile, the base temper-
ature of the Si/O layer increases, boosting the oxygen
shell burning. This results in the enhancement of the
convective motion at the bottom of the Si/O layer. The
Si/O layer at the end of the simulation is distributed
from 3.0⇥108 cm to 10.5⇥108 cm. The maximum radial
convective Mach number is hMa

2i1/2 = 0.087, which is
obtained at R = 3.6⇥ 108 cm.
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The power spectrum c
2
` in the 3D simulation peaks at

` = 2. This is consistent with the finding in Müller
et al. (2016) for the 18M� star. The small maximum
mode means that the convective motion is dominated
by a large-scale flow. The main di↵erence between 2D

Angle averaged radial profiles

⟨Ma2⟩1/2 a few to 10%: lower than the 2D result
Si mass fraction increases by the mixing
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of the Mach number hMa2i1/2 (top) and the 28Si mass frac-
tion (bottom) of model 25M.

turbulence and expands the Si/O layer. We see some
28Si enriched plumes flow from the inner region of the
Si/O layer at 75 s (see red region in the middle right
panel). As a result, the high-velocity turbulent flow
mixes with the surroundings and increases the Si mass
fraction in the whole Si/O layer. The 28Si mass fraction
in the Si/O layer slightly increases from about 0.36 at 30
s to 0.38 at 90 s (bottom left panel). The convective mo-
tion in the Si/O layer continues until the last step of the
simulation. We see inhomogeneous 28Si mass fraction
distribution at the last step (bottom right panel).
In Figure 8, the time evolution of hMa

2i1/2 and the
28Si mass fraction obtained from the 3D simulation is
shown. As shown by the left yellow region in the top
panel, the convective motion with hMa

2i1/2 ⇠ 0.1 is ob-
tained in the Si/O layer at ⇠20 s. The bottom panel
shows that the 28Si mass fraction is enhanced in this
layer by that time. After a while, the Si/O layer slightly
expands and the convective motion weakens. The aver-
aged Si mass fraction in the Si/O layer does not change
significantly from 20 s to 70 s.
By ⇠70 s, the Fe core contracts and silicon shell burn-
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of this, the turbulent Mach number becomes large not
only at R ⇠ 3–12 ⇥108 cm but also at R ⇠ 2⇥ 108 cm.
In addition, the Si-rich material at the bottom of the
Si/O layer is carried into the Si/O layer through this
convective motion and the 28Si mass fraction in this re-
gion increases during ⇠70–80 s.
From ⇠90 s, the convective motion becomes weak

again. The whole Si/O layer gradually contracts to-
wards the core-collapse. Meanwhile, the base temper-
ature of the Si/O layer increases, boosting the oxygen
shell burning. This results in the enhancement of the
convective motion at the bottom of the Si/O layer. The
Si/O layer at the end of the simulation is distributed
from 3.0⇥108 cm to 10.5⇥108 cm. The maximum radial
convective Mach number is hMa

2i1/2 = 0.087, which is
obtained at R = 3.6⇥ 108 cm.
Figure 9 shows the power spectrum of the radial con-
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di↵erent times. The radius, which is located in the mid-
dle of the convective Si/O layer, is determined from the
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The power spectrum c
2
` in the 3D simulation peaks at

` = 2. This is consistent with the finding in Müller
et al. (2016) for the 18M� star. The small maximum
mode means that the convective motion is dominated
by a large-scale flow. The main di↵erence between 2D

ℓmax = 2
Large-scale convection eddies in 3D
… Favorable to SN explosion
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Neutrino Spectra of  a PreSN Star
Spectra of neutrinos produced through pair-neutrino process
in the 3D simulation of model 25M

Multi-D simulations of Oxygen shell burning 15
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Figure 10. Time variation of the emission rate (top panel)
and average energy (bottom panel) of antineutrinos produced
through pair-neutrino process for model 25M. Thick solid
and thin dashed curves correspond to the results of 3D and
1D simulations, respectively. Red and blue curves corre-
spond to ⌫e and ⌫µ,⌧ .

and 3D power spectra is the weaker convective motion
in the 3D simulation.
We note that the peak turbulent Mach number is ob-

tained at R = 3.6 ⇥ 108 cm in the 3D model. This
radius is smaller than the corresponding radius in the
2D model. So, we also discuss the power spectrum at
the peak turbulent Mach number in the 3D model. The
power spectrum at the radius peaks at `max = 9 that is
much larger than the result discussed here. The large
`max would result from small scale convective flows that
are driven by the hydrodynamically enhanced oxygen-
shell burning, as in the case of the 2D simulation of
models 18Mov,c and 21Mov,c.
Finally, we briefly present the result of the neutrino

emission at the precollapse stage of the 3D simulation.
Using the same method in Yoshida et al. (2016), we
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Figure 11. The evolution of neutrino event rate of model
25M by KamLAND. Thick solid and thin dashed curves cor-
respond to the results of 3D and 1D simulations, respectively.
Red and blue curves correspond to the normal and inverted
orderings.

calculate the time evolution of the luminosity and the
spectrum of neutrino emitted via pair-neutrino process
for model 25M. In Figure 10, the emission rate and the
average energy of neutrino obtained from the 1D and
the 3D simulations are compared.
The overall features of neutrino spectra for the 1D and

3D simulations are in common. The neutrino emission
rate and the average temperature increases with time
towards the core-collapse after ⇠30 s in both of the sim-
ulations. The emission rates of ⌫e and ⌫̄e are larger than
that of ⌫µ,⌧ and ⌫̄µ,⌧ . The average energy of ⌫̄e is slightly
smaller than that of ⌫̄µ,⌧ . In the 3D simulation, how-
ever, the decrease in the emission rate and the average
energy of neutrinos is observed in 70–90 s.
Furthermore, we evaluate the time evolution of the

event rate of ⌫̄e by KamLAND (e.g., Gando et al. 2013),
assuming that the initial mass of 25 M� at the distance
of 200 pc is at the ongoing core collapse phase, emitting
neutrinos via pair-neutrino process.
KamLAND is a one-kton size liquid-scintillation type

neutrino detector (e.g., Gando et al. 2013). We take
the neutrino oscillation into account in a simple manner:
the survival probability of ⌫̄e is set to be 0.675 and 0.024
in the normal and inverted mass ordering, respectively
(Yoshida et al. 2016). The livetime-to-runtime ratio and
the total detection e�ciency are set to be 0.903 and 0.64
(Yoshida et al. 2016). Figure 11 shows the evolution
of the neutrino event rate by KamLAND. As an overall
feature, the rate increases with time independent of mass
ordering. In the 3D simulation, however, the decrease
in the event rate due to the oxygen shell burning at
the bottom of the Si/O layer is seen at 70–90 s. The
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and 3D power spectra is the weaker convective motion
in the 3D simulation.
We note that the peak turbulent Mach number is ob-

tained at R = 3.6 ⇥ 108 cm in the 3D model. This
radius is smaller than the corresponding radius in the
2D model. So, we also discuss the power spectrum at
the peak turbulent Mach number in the 3D model. The
power spectrum at the radius peaks at `max = 9 that is
much larger than the result discussed here. The large
`max would result from small scale convective flows that
are driven by the hydrodynamically enhanced oxygen-
shell burning, as in the case of the 2D simulation of
models 18Mov,c and 21Mov,c.
Finally, we briefly present the result of the neutrino

emission at the precollapse stage of the 3D simulation.
Using the same method in Yoshida et al. (2016), we
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calculate the time evolution of the luminosity and the
spectrum of neutrino emitted via pair-neutrino process
for model 25M. In Figure 10, the emission rate and the
average energy of neutrino obtained from the 1D and
the 3D simulations are compared.
The overall features of neutrino spectra for the 1D and

3D simulations are in common. The neutrino emission
rate and the average temperature increases with time
towards the core-collapse after ⇠30 s in both of the sim-
ulations. The emission rates of ⌫e and ⌫̄e are larger than
that of ⌫µ,⌧ and ⌫̄µ,⌧ . The average energy of ⌫̄e is slightly
smaller than that of ⌫̄µ,⌧ . In the 3D simulation, how-
ever, the decrease in the emission rate and the average
energy of neutrinos is observed in 70–90 s.
Furthermore, we evaluate the time evolution of the

event rate of ⌫̄e by KamLAND (e.g., Gando et al. 2013),
assuming that the initial mass of 25 M� at the distance
of 200 pc is at the ongoing core collapse phase, emitting
neutrinos via pair-neutrino process.
KamLAND is a one-kton size liquid-scintillation type

neutrino detector (e.g., Gando et al. 2013). We take
the neutrino oscillation into account in a simple manner:
the survival probability of ⌫̄e is set to be 0.675 and 0.024
in the normal and inverted mass ordering, respectively
(Yoshida et al. 2016). The livetime-to-runtime ratio and
the total detection e�ciency are set to be 0.903 and 0.64
(Yoshida et al. 2016). Figure 11 shows the evolution
of the neutrino event rate by KamLAND. As an overall
feature, the rate increases with time independent of mass
ordering. In the 3D simulation, however, the decrease
in the event rate due to the oxygen shell burning at
the bottom of the Si/O layer is seen at 70–90 s. The

ν emission rate Average energy

Decrease in emission rate and average energy in 70—90 s
Oxygen shell burning at the bottom of the Si/O layer
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through pair-neutrino process for model 25M. Thick solid
and thin dashed curves correspond to the results of 3D and
1D simulations, respectively. Red and blue curves corre-
spond to ⌫e and ⌫µ,⌧ .

and 3D power spectra is the weaker convective motion
in the 3D simulation.
We note that the peak turbulent Mach number is ob-

tained at R = 3.6 ⇥ 108 cm in the 3D model. This
radius is smaller than the corresponding radius in the
2D model. So, we also discuss the power spectrum at
the peak turbulent Mach number in the 3D model. The
power spectrum at the radius peaks at `max = 9 that is
much larger than the result discussed here. The large
`max would result from small scale convective flows that
are driven by the hydrodynamically enhanced oxygen-
shell burning, as in the case of the 2D simulation of
models 18Mov,c and 21Mov,c.
Finally, we briefly present the result of the neutrino

emission at the precollapse stage of the 3D simulation.
Using the same method in Yoshida et al. (2016), we
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Figure 11. The evolution of neutrino event rate of model
25M by KamLAND. Thick solid and thin dashed curves cor-
respond to the results of 3D and 1D simulations, respectively.
Red and blue curves correspond to the normal and inverted
orderings.

calculate the time evolution of the luminosity and the
spectrum of neutrino emitted via pair-neutrino process
for model 25M. In Figure 10, the emission rate and the
average energy of neutrino obtained from the 1D and
the 3D simulations are compared.
The overall features of neutrino spectra for the 1D and

3D simulations are in common. The neutrino emission
rate and the average temperature increases with time
towards the core-collapse after ⇠30 s in both of the sim-
ulations. The emission rates of ⌫e and ⌫̄e are larger than
that of ⌫µ,⌧ and ⌫̄µ,⌧ . The average energy of ⌫̄e is slightly
smaller than that of ⌫̄µ,⌧ . In the 3D simulation, how-
ever, the decrease in the emission rate and the average
energy of neutrinos is observed in 70–90 s.
Furthermore, we evaluate the time evolution of the

event rate of ⌫̄e by KamLAND (e.g., Gando et al. 2013),
assuming that the initial mass of 25 M� at the distance
of 200 pc is at the ongoing core collapse phase, emitting
neutrinos via pair-neutrino process.
KamLAND is a one-kton size liquid-scintillation type

neutrino detector (e.g., Gando et al. 2013). We take
the neutrino oscillation into account in a simple manner:
the survival probability of ⌫̄e is set to be 0.675 and 0.024
in the normal and inverted mass ordering, respectively
(Yoshida et al. 2016). The livetime-to-runtime ratio and
the total detection e�ciency are set to be 0.903 and 0.64
(Yoshida et al. 2016). Figure 11 shows the evolution
of the neutrino event rate by KamLAND. As an overall
feature, the rate increases with time independent of mass
ordering. In the 3D simulation, however, the decrease
in the event rate due to the oxygen shell burning at
the bottom of the Si/O layer is seen at 70–90 s. The

Event rate by KamLAND

Neutrinos by β—-decays
Emission rate larger than νe

  from pair-neutrinos
(Kato et al. 2017)

Event rate will be larger.

KamLAND (Kamioka Liquid-scintillator Anti-Neutrino Detector)

Np=5.98×1031; Eν,th = 1.8 MeV
νe events through p + νe → n + e+

Detection efficiency (~0.6) is taken into account.
Distance to the star is assume to be 200 pc.

Takashi Yoshida,  August 5, 2019, CCSN Workshop, University of Exeter, UK27
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Figure 10. Time variation of the emission rate (top panel)
and average energy (bottom panel) of antineutrinos produced
through pair-neutrino process for model 25M. Thick solid
and thin dashed curves correspond to the results of 3D and
1D simulations, respectively. Red and blue curves corre-
spond to ⌫e and ⌫µ,⌧ .

and 3D power spectra is the weaker convective motion
in the 3D simulation.
We note that the peak turbulent Mach number is ob-

tained at R = 3.6 ⇥ 108 cm in the 3D model. This
radius is smaller than the corresponding radius in the
2D model. So, we also discuss the power spectrum at
the peak turbulent Mach number in the 3D model. The
power spectrum at the radius peaks at `max = 9 that is
much larger than the result discussed here. The large
`max would result from small scale convective flows that
are driven by the hydrodynamically enhanced oxygen-
shell burning, as in the case of the 2D simulation of
models 18Mov,c and 21Mov,c.
Finally, we briefly present the result of the neutrino

emission at the precollapse stage of the 3D simulation.
Using the same method in Yoshida et al. (2016), we
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calculate the time evolution of the luminosity and the
spectrum of neutrino emitted via pair-neutrino process
for model 25M. In Figure 10, the emission rate and the
average energy of neutrino obtained from the 1D and
the 3D simulations are compared.
The overall features of neutrino spectra for the 1D and

3D simulations are in common. The neutrino emission
rate and the average temperature increases with time
towards the core-collapse after ⇠30 s in both of the sim-
ulations. The emission rates of ⌫e and ⌫̄e are larger than
that of ⌫µ,⌧ and ⌫̄µ,⌧ . The average energy of ⌫̄e is slightly
smaller than that of ⌫̄µ,⌧ . In the 3D simulation, how-
ever, the decrease in the emission rate and the average
energy of neutrinos is observed in 70–90 s.
Furthermore, we evaluate the time evolution of the

event rate of ⌫̄e by KamLAND (e.g., Gando et al. 2013),
assuming that the initial mass of 25 M� at the distance
of 200 pc is at the ongoing core collapse phase, emitting
neutrinos via pair-neutrino process.
KamLAND is a one-kton size liquid-scintillation type

neutrino detector (e.g., Gando et al. 2013). We take
the neutrino oscillation into account in a simple manner:
the survival probability of ⌫̄e is set to be 0.675 and 0.024
in the normal and inverted mass ordering, respectively
(Yoshida et al. 2016). The livetime-to-runtime ratio and
the total detection e�ciency are set to be 0.903 and 0.64
(Yoshida et al. 2016). Figure 11 shows the evolution
of the neutrino event rate by KamLAND. As an overall
feature, the rate increases with time independent of mass
ordering. In the 3D simulation, however, the decrease
in the event rate due to the oxygen shell burning at
the bottom of the Si/O layer is seen at 70–90 s. The

Event rate by Gd-loaded Hyper-Kamiokande

Neutrinos by β—-decays
Emission rate larger than νe

  from pair-neutrinos
(Kato et al. 2017)

Event rate will be larger.

νe events through p + νe → n + e+

νe is detected using delayed γ-rays from Gd(n,γ). 
Eν,th = 1.8 MeV and Np,HK = 178 Np,KamLAND

KamLAND

The time variation due to convective motion could be observed
  through νe signals in Hyper-Kamiokande.

Takashi Yoshida,  August 5, 2019, CCSN Workshop, University of Exeter, UK28
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Multi-D effects on convective mixing 
in advanced burning stages
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Figure 8. Fractional volumes of the entrained fluid in the 15363 PPMSTAR run D2 at 25.7 min of simulated time (dump number 154). The left-hand image is a
projection of the far hemisphere of the simulation; the near hemisphere has been cut away and the core has been made almost transparent, but is still visible
as a faint purple sphere. The right-hand image is a thin slice through the sphere. In both images, fluid that began inside the convection zone has been made
transparent and therefore only entrained fluid is visible. That entrained fluid has a fractional volume which is indicated by the colour scale. See Section 3.1 of
the text for a detailed description.

very close to vr ∝ L1/3, in agreement with Porter & Woodward
(2000). This scaling can be motivated as follows.

In a stationary state, the luminosity L(r) can be decomposed to
the fluxes Fh and Fk of enthalpy and kinetic energy, respectively,

L(r) = 4πr2(Fh + Fk), (1)

because we neglect the small radiative contribution. Both terms
on the right-hand side of equation (1) can be shown to scale in
proportion to v3. The kinetic energy flux scales with the kinetic
energy density and velocity, hence Fk ∝ ρv3. The enthalpy flux is
Fh = ρvcpT′, where T′ is a typical temperature fluctuation between
the upflows and downflows. Assuming that the relative temperature
fluctuations T′/T are of the same order as the relative dynamic
pressure fluctuations p ′/p ≈ ρv2/p, we have T′ ≈ Tρv2/p ∝ v2,
because p ∝ ρT by the ideal gas law. The enthalpy flux is then
Fh ∝ ρv3.

Another way to see why L ∝ v3 is to consider the kinetic energy
generation and dissipation rates in a convection zone. Per unit of
volume, the turbulent dissipation rate is ϵd ∝ ρv3/l, where l is
an integral length-scale of the turbulence. Therefore, also the total
dissipation rate in the convection zone, which in a stationary state is
of the same order as L (see Viallet et al. 2013), scales in proportion
to v3. A similar argument was made by Biermann (1932).

3.3 Where is the CB?

Standard stellar evolution models, such as our MESA models, are
spherically symmetric. The local Schwarzschild or Ledoux cri-
terion is used to determine convectively unstable regions. The
MLT is then applied to these regions to estimate the tempera-

ture gradient, convective velocity and convective energy flux. Ac-
cording to MLT, the convective velocity vanishes at convective
boundaries.

In this section, we will describe how convection in the 3D simu-
lations presented here differs from the 1D picture. The entropy gra-
dient averaged spherically and over a few overturning time-scales
is weakly positive in the upper half of the convection zone. If in-
terpreted as a 1D representation of the stratification, it would imply
this upper part to be formally stable. However, convection there is
just as vigorous as that in the lower part of the convection zone (see
Figs 9–11). This suggests that instead of the average stratification,
the velocity field itself should be used to delineate the boundaries
of a 3D convection zone. Fig. 11 shows that the tangential veloc-
ity component v⊥ reaches a local maximum both near the bottom
and near the top of the convection zone and then drops suddenly
at the CB, where the steep entropy gradient forces the flow to turn
over. The flow velocity does not vanish completely because of the
presence of internal gravity waves and sound waves in the stable
stratification. We adopt the CB as the location where the decline in
v⊥ is the steepest.

This criterion can be applied to the 4π spherical average as well
as to different radial directions. This shows that in contrast to the
1D MLT picture, the boundary of a 3D convection zone is not
located on a perfect sphere. The variation of the location of the CB
in different directions translates into finite thickness of the boundary
when spherical averages are formed. To illustrate this, the data
have been split into 80 space-filling radial tetrahedra (which we
call buckets), each covering approximately the same solid angle.
Figs 14 and 15 show that there are indeed significant bucket-to-
bucket fluctuations #rub = rub − ⟨rub⟩ when the radius rub of the
upper boundary is defined by the steepest decline in v⊥ .

MNRAS 465, 2991–3010 (2017)Downloaded from https://academic.oup.com/mnras/article-abstract/465/3/2991/2417019
by University of Tokyo Library user
on 24 January 2018



Effects of Overshoot in Advanced Stages

30

Convective overshoot/undershoot gives cumulative interactions of 
convective layers.

Differences in convection history
25MA (fov,A = 0.002) 25M (fov,A = 0)

as an ONe white dwarf or an electron-capture supernova. The
off-center Ne ignition occurs for the 9Me star in Set LA (panel
(a): red line) and the 11Me star in Set MA (panel (b): green
line). The similar off-center neon burning is also seen in a
10Me star in Sets MA and M. The low-mass MA and M models
ignite silicon at an off-center region.

Whether the carbon-core burning occurs convectively or
radiatively depends on the stellar mass. The convective carbon-
core burning occurs in the stars with MZAMS�18Me in Sets
LA and L and with MZAMS�21Me in Sets MA and M. We
suggest that the maximum CO-core mass for convective carbon
burning is between 4.6 and 4.9Me for our models.

We calculate the massive star evolution taking account of a
weak overshoot after the helium burning for models in Sets LA
and MA. Despite the small value compared with the hydrogen
and helium burning, the overshoot in the advanced stage affects
the advanced evolution in a complicated way. We show the
Kippenhahn diagram of models 25MA and 25M in Figure 14
for comparison. In these models, the carbon-core burning
occurs radiatively and the first carbon-shell burning (C(I))
ignites at Mr∼1.3Me. In model 25MA, the convective region
of the C(I) burning extends both inward and outward with the
help of overshoot. The convective C layer extends in the range
1.0–2.3Me. Then, the second carbon-shell burning (C(II))
ignites at ∼2.1Me, and the convective region again extends
inward and outward. The inner convection boundary of the

second carbon-shell burning reaches 1.74Me. This inner
boundary restricts the region of the following burning. The Si
core is formed through O-core burning (O(c)) and the first (O
(I)) and second (O(II)) oxygen-shell burning. The third oxygen-
shell burning (O(III)) extends the Si layer up to 1.67Me, but
the boundary is still below the inner boundary of the second
carbon-shell burning. The Si core (Si(c)) and the following four
silicon-shell burning (S(I)–(IV)) form an Fe core of ∼1.56Me.
The left panel of Figure 15 shows the mass fraction distribution
of model 25MA. There is a SiO-rich layer between the Si layer
and the O/Ne layer, but it is very thin (the width is about
108 cm).
Model 25M indicates an evolution different from model

25MA from the first carbon-shell burning (C(I)). The first
carbon-shell burning ignites at ∼1.3Me, and the convective
region extends outward to 2.9Me. The convection does not
extend inward in this model. Then, the second carbon-shell
burning (C(II)) starts at 2.9Me. Because the second carbon-
shell burning starts at a large radius, the O-core burning (O(c))
and the first oxygen-shell burning (O(I)) extend more
effectively outward and form a larger Si core. The Si core (Si
(c)) and the following three silicon-shell burning (S(I)–(III))
form an Fe core of 1.68Me. The second oxygen-shell burning
(O(II)) makes a large Si/O layer between the top of first
oxygen-shell burning (1.9Me) and the bottom of the second
carbon-shell burning (2.9Me). The mass fraction distribution

Figure 13. The evolution of the central density log ρC and the central temperature log TC of Sets LA (panel (a)) and MA (panel (b)).

Figure 14. Kippenhahn diagram of models 25MA (left panel) and 25M (right panel) from the ignition of the central carbon burning until the calculation termination.
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as an ONe white dwarf or an electron-capture supernova. The
off-center Ne ignition occurs for the 9Me star in Set LA (panel
(a): red line) and the 11Me star in Set MA (panel (b): green
line). The similar off-center neon burning is also seen in a
10Me star in Sets MA and M. The low-mass MA and M models
ignite silicon at an off-center region.

Whether the carbon-core burning occurs convectively or
radiatively depends on the stellar mass. The convective carbon-
core burning occurs in the stars with MZAMS�18Me in Sets
LA and L and with MZAMS�21Me in Sets MA and M. We
suggest that the maximum CO-core mass for convective carbon
burning is between 4.6 and 4.9Me for our models.

We calculate the massive star evolution taking account of a
weak overshoot after the helium burning for models in Sets LA
and MA. Despite the small value compared with the hydrogen
and helium burning, the overshoot in the advanced stage affects
the advanced evolution in a complicated way. We show the
Kippenhahn diagram of models 25MA and 25M in Figure 14
for comparison. In these models, the carbon-core burning
occurs radiatively and the first carbon-shell burning (C(I))
ignites at Mr∼1.3Me. In model 25MA, the convective region
of the C(I) burning extends both inward and outward with the
help of overshoot. The convective C layer extends in the range
1.0–2.3Me. Then, the second carbon-shell burning (C(II))
ignites at ∼2.1Me, and the convective region again extends
inward and outward. The inner convection boundary of the

second carbon-shell burning reaches 1.74Me. This inner
boundary restricts the region of the following burning. The Si
core is formed through O-core burning (O(c)) and the first (O
(I)) and second (O(II)) oxygen-shell burning. The third oxygen-
shell burning (O(III)) extends the Si layer up to 1.67Me, but
the boundary is still below the inner boundary of the second
carbon-shell burning. The Si core (Si(c)) and the following four
silicon-shell burning (S(I)–(IV)) form an Fe core of ∼1.56Me.
The left panel of Figure 15 shows the mass fraction distribution
of model 25MA. There is a SiO-rich layer between the Si layer
and the O/Ne layer, but it is very thin (the width is about
108 cm).
Model 25M indicates an evolution different from model

25MA from the first carbon-shell burning (C(I)). The first
carbon-shell burning ignites at ∼1.3Me, and the convective
region extends outward to 2.9Me. The convection does not
extend inward in this model. Then, the second carbon-shell
burning (C(II)) starts at 2.9Me. Because the second carbon-
shell burning starts at a large radius, the O-core burning (O(c))
and the first oxygen-shell burning (O(I)) extend more
effectively outward and form a larger Si core. The Si core (Si
(c)) and the following three silicon-shell burning (S(I)–(III))
form an Fe core of 1.68Me. The second oxygen-shell burning
(O(II)) makes a large Si/O layer between the top of first
oxygen-shell burning (1.9Me) and the bottom of the second
carbon-shell burning (2.9Me). The mass fraction distribution

Figure 13. The evolution of the central density log ρC and the central temperature log TC of Sets LA (panel (a)) and MA (panel (b)).

Figure 14. Kippenhahn diagram of models 25MA (left panel) and 25M (right panel) from the ignition of the central carbon burning until the calculation termination.
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MFe = 1.462 M!, ξ2.5 = 0.151 MFe  = 1.676 M!, ξ2.5 = 0.331

Different progenitor structures
Takashi Yoshida,  August 5, 2019, CCSN Workshop, University of Exeter, UK

(see Davis et al. 2019 for details )
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Entrainment across the upper convective boundary in 3D
(Jones et al. 2017)Exponentially decaying diffusion mixing in 1D

Takashi Yoshida,  August 5, 2019, CCSN Workshop, University of Exeter, UK

3D simulations of turbulent O-burning shell (before Si-core burning)

2998 S. Jones et al.

Figure 8. Fractional volumes of the entrained fluid in the 15363 PPMSTAR run D2 at 25.7 min of simulated time (dump number 154). The left-hand image is a
projection of the far hemisphere of the simulation; the near hemisphere has been cut away and the core has been made almost transparent, but is still visible
as a faint purple sphere. The right-hand image is a thin slice through the sphere. In both images, fluid that began inside the convection zone has been made
transparent and therefore only entrained fluid is visible. That entrained fluid has a fractional volume which is indicated by the colour scale. See Section 3.1 of
the text for a detailed description.

very close to vr ∝ L1/3, in agreement with Porter & Woodward
(2000). This scaling can be motivated as follows.

In a stationary state, the luminosity L(r) can be decomposed to
the fluxes Fh and Fk of enthalpy and kinetic energy, respectively,

L(r) = 4πr2(Fh + Fk), (1)

because we neglect the small radiative contribution. Both terms
on the right-hand side of equation (1) can be shown to scale in
proportion to v3. The kinetic energy flux scales with the kinetic
energy density and velocity, hence Fk ∝ ρv3. The enthalpy flux is
Fh = ρvcpT′, where T′ is a typical temperature fluctuation between
the upflows and downflows. Assuming that the relative temperature
fluctuations T′/T are of the same order as the relative dynamic
pressure fluctuations p ′/p ≈ ρv2/p, we have T′ ≈ Tρv2/p ∝ v2,
because p ∝ ρT by the ideal gas law. The enthalpy flux is then
Fh ∝ ρv3.

Another way to see why L ∝ v3 is to consider the kinetic energy
generation and dissipation rates in a convection zone. Per unit of
volume, the turbulent dissipation rate is ϵd ∝ ρv3/l, where l is
an integral length-scale of the turbulence. Therefore, also the total
dissipation rate in the convection zone, which in a stationary state is
of the same order as L (see Viallet et al. 2013), scales in proportion
to v3. A similar argument was made by Biermann (1932).

3.3 Where is the CB?

Standard stellar evolution models, such as our MESA models, are
spherically symmetric. The local Schwarzschild or Ledoux cri-
terion is used to determine convectively unstable regions. The
MLT is then applied to these regions to estimate the tempera-

ture gradient, convective velocity and convective energy flux. Ac-
cording to MLT, the convective velocity vanishes at convective
boundaries.

In this section, we will describe how convection in the 3D simu-
lations presented here differs from the 1D picture. The entropy gra-
dient averaged spherically and over a few overturning time-scales
is weakly positive in the upper half of the convection zone. If in-
terpreted as a 1D representation of the stratification, it would imply
this upper part to be formally stable. However, convection there is
just as vigorous as that in the lower part of the convection zone (see
Figs 9–11). This suggests that instead of the average stratification,
the velocity field itself should be used to delineate the boundaries
of a 3D convection zone. Fig. 11 shows that the tangential veloc-
ity component v⊥ reaches a local maximum both near the bottom
and near the top of the convection zone and then drops suddenly
at the CB, where the steep entropy gradient forces the flow to turn
over. The flow velocity does not vanish completely because of the
presence of internal gravity waves and sound waves in the stable
stratification. We adopt the CB as the location where the decline in
v⊥ is the steepest.

This criterion can be applied to the 4π spherical average as well
as to different radial directions. This shows that in contrast to the
1D MLT picture, the boundary of a 3D convection zone is not
located on a perfect sphere. The variation of the location of the CB
in different directions translates into finite thickness of the boundary
when spherical averages are formed. To illustrate this, the data
have been split into 80 space-filling radial tetrahedra (which we
call buckets), each covering approximately the same solid angle.
Figs 14 and 15 show that there are indeed significant bucket-to-
bucket fluctuations #rub = rub − ⟨rub⟩ when the radius rub of the
upper boundary is defined by the steepest decline in v⊥ .

MNRAS 465, 2991–3010 (2017)Downloaded from https://academic.oup.com/mnras/article-abstract/465/3/2991/2417019
by University of Tokyo Library user
on 24 January 2018
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Figure 22. Results of the 3D–1D diffusion analysis at the upper CB of the D1 (7683 grid) and D2 (15363 grid) simulations (see Table 1). The vertical dotted lines
represent the upper boundary of the convection zone. B is where the entropy gradient becomes positive in our PPMSTAR setup (equivalent to the Schwarzschild
criterion); C is where the radial gradient of the tangential component of the fluid velocity is steepest after 46.7 (16.0) min of simulated time for simulation D1
(D2). We also give the MESA model upon which these simulations were based; it has been aligned so that the CB according to the Schwarzschild criterion is
located at B. X is the spherically averaged mass fraction of the overlying fluid and is plotted at a simulated time indicated by the subscript in tens of seconds.
DMLT = 1

3 vMLTαHP is the diffusion coefficient computed in the framework of MLT with α = 1.6. D (solid black line) is the derived diffusion coefficient
which gives the same net mixing as the 3D hydrodynamic simulation when its output is spherically averaged. DRCMD is the recommended diffusion coefficient
to use in a 1D code given by DRCMD = vMLT × min(αHP, |r − rSC|), where rSC is the radial coordinate of the Schwarzschild boundary at B, as described in
Section 3.6 of the text, with an exponentially decaying CB mixing from radius r0 = rSC − fCBMHP with fCBM = 0.03, as formulated by Freytag et al. (1996,
see Section 3.6).

applying the exponentially decaying diffusive CBM model of Frey-
tag et al. (1996) in combination with the modified mixing length
seems to reproduce the shape of the derived diffusion coefficient
rather well. In Fig. 22, this has been plotted and is formulated for
the upper CB as

D(r) = D(r0) × exp
!

− 2|r − r0|
fCBMHP(r0)

"
, (5)

where r0 is the radial coordinate rSC − fCBMH SC
P (i.e. inside the

convection zone, with H SC
P the scaleheight of pressure at the

Schwarzschild boundary. Lastly, fCBM is the parameter which sets
the e-folding length of the exponentially decaying diffusion co-
efficient – which is fCBM/2 in units of the pressure scaleheight
HP – outwards from the radius r0. In Fig. 22, a value of fCBM

= 0.03 was used. Note that this mixing model is already im-
plemented in the MESA stellar evolution code and the recom-
mendation made in this section would be implemented by set-
ting the parameters overshoot f0 above burn z shell = 0.03
and overshoot f above burn z shell = 0.03 with an addi-
tional minor modification to multiply the diffusion coefficient by
the factor of 3.

3.7 Temperature fluctuations and their feedback on the
energy generation rate

Our use of a static heat source instead of a nuclear network raises the
question of what effect the convection-induced temperature fluctu-
ations could have on the energy generation rate in a real star. The
temperature sensitivity of 16O + 16O reactions,

νOO = ∂ ln ϵOO

∂ ln T
, (6)

with the reaction rate ϵoo given by equation 18.75 of Kippenhahn,
Weigert & Weiss (2012) is

νOO = −2
3

+ 45.31T
−1/3

9 − 0.419T
2/3

9 − 0.593T
4/3

9 + 0.0206T 2
9 ,

(7)

where T9 = T/(109 K); the temperature sensitivity of the electron
screening factor has been neglected. Equation (7) gives νOO = 32
for T9 = 2.2, which is the typical temperature at the bottom of the
O-shell convection zone. The relative rms temperature fluctuations
reach T ′

rms = 5 × 10−5 in the heating layer in the D1 run. The ex-
pected relative rms fluctuations in the energy generation rate are

MNRAS 465, 2991–3010 (2017)Downloaded from https://academic.oup.com/mnras/article-abstract/465/3/2991/2417019
by University of Tokyo Library user
on 24 January 2018

(e.g., Meakin & Arnett 2007; Jones et al. 2017)

fov = 0.03

9000km



Shell Merging

32

3D simulation for 420 s until core-collapse

Takashi Yoshida,  August 5, 2019, CCSN Workshop, University of Exeter, UK

Merging of O/Si and O/Ne shells of an 18.88 M! star (Yadav et al. 2019)
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Figure 1. Properties of the initial 1D model. The top panel shows the mass fractions of some relevant ↵-elements, the specific

nuclear energy generation rate, and the specific neutrino cooling rate with |q̇nuc| � |q̇⌫ | at the base of the O burning shell,

whereas |q̇⌫ | � |q̇nuc| in the Fe/Si core. The middle panel shows the radial velocity and the convective velocity according to

MLT. The Si/Fe core is slowly contracting whereas the O shell is slowly expanding. The O burning shell has larger convective

velocity compared to the Ne and C burning shells, and the Fe/Si core is convectively inert. The bottom panel shows the density

and entropy profiles. Entropy jumps correspond to composition interfaces; large relative jumps in entropy means high sti↵ness

of such boundaries against convective entrainment. Vertical black dashed lines mark the shell which is simulated in 3D.

These include a convective O burning shell1 with ashes
of Si and S, a convective Ne burning shell between
2.5�3.7 M�, which is separated by a non-convective
layer from a convective C burning shell with ashes of
O and Ne between 4.1�4.5 M�. The O and Ne shells
are separated by a thin interface at ⇡ 2.45 M�. The
Si shell and the Fe core inside 1.6 M� are practically
inert, with neutrino cooling dominating over burning.
The middle panel shows the profiles of the radial ve-
locity, v, and the convective velocity, vconv, calculated
using the same choice of dimensionless coe�cients as
(Müller 2016). The convective velocity near the base
of the O shell reaches up to ⇠ 100 km s�1. The Ne and
C shells are relatively quiet, having convective veloci-
ties close to 20 km s�1 and 10 km s�1, respectively. The
bottom panel displays the density and (specific) entropy
profiles. The entropy profile shows the three aforemen-
tioned convective regions as flat sections. Significant
entropy jumps of ⇡ 2.0 kb/nucleon and ⇡ 4.0 kb/nucleon
(here kb is the Boltzmann constant) close to the bottom

1
Following common practice in stellar evolution literature, we

label the convective shells by the fuel that burns at their base,

unless we explicitly discuss the composition in more detail.

(just above the Fe/Si core) and close to the top (just
below the He shell) of the three shells make the convec-
tive boundaries quite sti↵, with the inner boundary of
the oxygen shell even being visible as a discontinuity in
the density profile. By contrast, the entropy jump be-
tween the oxygen and neon shells is small, and the neon
and carbon shells are separated by a stable region with
gradually increasing entropy, but not by a discontinuity.

3. NUMERICAL METHODS: 3D MODEL

The 3D simulation uses the Prometheus code. The
simulation employs a moving (but non-Lagrangian) grid
in the radial direction and an axis-free Yin-Yang grid
(Kageyama & Sato 2004; Wongwathanarat et al. 2010)
as implemented in Melson et al. (2015) with a uniform
angular resolution (2�) in the ✓ and � directions. For the
purpose of this simulation we changed the 4th-order re-
construction originally used in the piecewise-parabolic
method (PPM) of Colella & Woodward (1984) to a
6th-order extremum-preserving reconstruction (Colella
& Sekora 2008; Sekora & Colella 2009). We use the
Helmholtz equation of state (EoS) described in Timmes
& Arnett (1999) and Timmes & Swesty (2000), which
is thermodynamically consistent to high accuracy. Nu-
clear burning is treated using a 19-species ↵-network
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Si shell and the Fe core inside 1.6 M� are practically
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The middle panel shows the profiles of the radial ve-
locity, v, and the convective velocity, vconv, calculated
using the same choice of dimensionless coe�cients as
(Müller 2016). The convective velocity near the base
of the O shell reaches up to ⇠ 100 km s�1. The Ne and
C shells are relatively quiet, having convective veloci-
ties close to 20 km s�1 and 10 km s�1, respectively. The
bottom panel displays the density and (specific) entropy
profiles. The entropy profile shows the three aforemen-
tioned convective regions as flat sections. Significant
entropy jumps of ⇡ 2.0 kb/nucleon and ⇡ 4.0 kb/nucleon
(here kb is the Boltzmann constant) close to the bottom
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(just above the Fe/Si core) and close to the top (just
below the He shell) of the three shells make the convec-
tive boundaries quite sti↵, with the inner boundary of
the oxygen shell even being visible as a discontinuity in
the density profile. By contrast, the entropy jump be-
tween the oxygen and neon shells is small, and the neon
and carbon shells are separated by a stable region with
gradually increasing entropy, but not by a discontinuity.

3. NUMERICAL METHODS: 3D MODEL

The 3D simulation uses the Prometheus code. The
simulation employs a moving (but non-Lagrangian) grid
in the radial direction and an axis-free Yin-Yang grid
(Kageyama & Sato 2004; Wongwathanarat et al. 2010)
as implemented in Melson et al. (2015) with a uniform
angular resolution (2�) in the ✓ and � directions. For the
purpose of this simulation we changed the 4th-order re-
construction originally used in the piecewise-parabolic
method (PPM) of Colella & Woodward (1984) to a
6th-order extremum-preserving reconstruction (Colella
& Sekora 2008; Sekora & Colella 2009). We use the
Helmholtz equation of state (EoS) described in Timmes
& Arnett (1999) and Timmes & Swesty (2000), which
is thermodynamically consistent to high accuracy. Nu-
clear burning is treated using a 19-species ↵-network
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Figure 8. Sequence of 3D volume renderings following the shell merger in progress. The Ne mass fraction is volume rendered

and appears as nearly a transparent “cloud” (with the opacity function  shown in the lower right corner of each panel). The

inner opaque bubble with a convoluted morphology represents a color plot of the Si mass fraction (the color coding of latter is

given in the upper left corner of each panel) on a radial velocity isosurface (at 250 km s�1). The choice of radial velocity for the

isosurface is motivated by tracking the average value of Si mass fraction. The box is 2⇥20, 000 km across, which is the extent of

the main Ne shell (see Figure 1). The progression of states (from left to right and top to bottom) shows the violent O-Ne shell

merger in progress.

1.8�2.4 M� is levelled in the first 60 s, but the addi-
tional Ne burning preserves the small negative entropy
gradient between 2.4 M� and 3.6 M�. At the same time
the steep entropy barrier close to 2.4 M� is softened.
With the complete disappearance of the stabilizing gra-
dient provided by Zone I at ⇡ 250 s, thermal energy
is e�ciently convected into a larger volume. However,
convection is unable to carry away the excess thermal
energy deposited by episodic Ne burning. This leads

to a rapid rise in entropy at the base of the O shell
and an overall negative entropy gradient extending up
to ⇡ 3.6 M�, which is the base of Zone II. In the end
the 3D model has higher entropy compared to the 1D
model.

4.4. Mixing and Shell Merger

Figure 11 shows the spatial distribution of Ne (upper
row) and Si (lower row) confirming the picture of large-
scale mixing in the 3D model. The spatial distributions
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Figure 5. Slices in the x-y plane showing radial velocity fluctuations v00
r (in km s�1) at di↵erent times. The panels 35 s till 268 s

show the initially slow but steady build-up of the convective velocities. After the merger of the O and Ne shells, convection

becomes considerably more violent, and large-scale flow patterns develop (see the text for details). The green circle marks the

inner boundary of the computational domain. Minimum and maximum values in the plane are specified in the top left corner of

each panel. Each panel shows data only inside a spherical region bounded by a convectively stable layer (Zone I at 35 s, Zone II

for 175, 268, 323 s and Zone III for 375 and 420 s) for clarity of presentation.

Figure 7 (right panel) shows the net energy gener-
ation rate (|q̇nuc| �| q̇⌫ | everywhere) in the 3D model.
The evolution between 2.3�4.5 M� (upper half) does
not show a lot of deviation from its initial behaviour,
except that close to ⇡ 300 s the Ne burning shell moves
inwards in mass (in a Lagrangian sense). The lower
half shows a zoom of the region between 1.8�2.3 M�.
Most of the energy production happens at the base of
the O shell. Around 100 s another burning layer devel-
ops above the O burning zone but below the Ne shell.
Ne entrained from the Ne shell (see colored lines repre-
senting the Ne mass fraction at di↵erent time) burns on
its way to the base of the O shell. Both the extent of
this layer and intensity of burning increases with time,
and around 300 s there is a short but intense Ne burn-
ing episode. This phenomenon is marked as episodic
burning, which is reminiscent of hot-spot burning seen
by Bazan & Arnett (1994, see Fig. 3) in their 2D study
of oxygen burning in a 20 M� progenitor (Arnett 1994).

Figure 8 shows the resulting shell merger marked
by Si rich outflow rapidly moving into the Ne shell.
The isosurfaces shown track the points corresponding to
250 km s�1 radial velocity. The Si-rich material moves
rapidly outwards carving out an elongated cavity in the
enclosing Ne shell. The velocity isosurface expands from

⇡ 10, 000 km to more than 20, 000 km in a short span of
⇡ 160 s. The episodic nuclear burning peaks at around
350 s (as shown in Figure 7 by log q̇ contours equally
spaced between 46.0�46.5) and triggers/powers a phase
of violent convective activity. A comparison between
the Ne abundance at 360 s and 420 s shows that the to-
tal amount of Ne decreases by �MNe⇡ 0.2 M� because
of the episodic burning.

A rough estimate of the energy produced can be ob-
tained by considered the principle energy producing
reactions in Ne burning which e↵ectively convert two
20Ne nuclei to 16O and 24Mg nuclei (Iliadis 2015, Equa-
tion (5.108))

20Ne +20 Ne !16 O +24 Mg, (11)

with the average energy production (per 40 nucleons)
of QNe⇡ 6.2 MeV (⌘ 1.5⇥1017 erg g�1) near T ⇡ 1.5 GK
(Iliadis 2015, Equation (5.109)). This implies a total
release of QNe�MNe ⇡ 6.0⇥1049 erg of thermal energy
inside ⇡ 2.5 M� of stellar plasma within ⇡ 100 s, which
further translates into ⇡ 4⇥1015 erg g�1 in each compo-
nent (Er, E✓ and E�) of kinetic energy.

The upper panel of Figure 9 shows the growth of the
specific kinetic energy (per unit mass) in the fluctuating
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Summary

Convective mixing in advanced stages

Favorable to SN explosion

Final structure

Multi-D hydrodynamics simulations of SiO-rich layer in massive stars
Models having a large Si/O layer or a large O/Si layer and large mass

Convective motion with                      and small        .  ⟨Ma2⟩1/2 ∼ 0.1 ℓmax

Neutrinos from presupernova stars
Change of neutrino event rate by O-shell burning

Effect of “overshoot” in 1D models

Takashi Yoshida,  August 5, 2019, CCSN Workshop, University of Exeter, UK

Advanced evolution of massive stars
Core and shell burnings cumulatively affect the final structures

Fe core mass, compactness parameter

Entrainment in multi-D evolution models

Merging of burning shells

Observable of nearby preSNe by Gd-loaded HK


