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The Sun-Earth Relationship
• Short term (11-yr activity)
– E.g., 1989 geomagnetic storm
– Power outage/ satellite drag/ 

communication/ magnetic 
guidance/ flight radiation

• Long term
– Sun related climate effect
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Discovery of Helium
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• 1868
• Helios  -> Helium

Kenny C.Y. NG, Exeter CCSN 2019

Photos by Wikipedia Commons
Pierre Janssen,  Joseph Norman Lockyer

8/7/19 3



Solar Neutrinos
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http://apod.nasa.gov/apod/a
p980605.html
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Observations of the Sun
GeV ??? The Sun is not hot enough!
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MeV Neutrinos



Comsic rays
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Sun – Cosmic-Ray Beam Dump

CR protons
Hadronic !
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CR electrons
Inverse-Compton

!
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! Transient, soft

Continuous

Continuous

Seckel, Stanev, Gaisser (1991)
Zhou, KCYN, Beacom, Peter 
PRD 2017

Moskalenko, Porter, Digel 2006
Orlando, Strong 2007



Solar Atmospheric Gamma Rays

CR protons
Hadronic !
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Seckel, Stanev, Gaisser (1991)
Zhou, KCYN, Beacom, Peter 
PRD 2017
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Dark Matter/Gravity problem
• Big Bang Nucleosynthesis

\CMB

• Clusters

• Galaxies/Local
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Weakly interacting massive particles
• Direct Detection

• Collider Search

• Indirect Detection
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Sun – Dark Matter detector
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not accessible before. We discuss the analysis and the re-134

sulting constraints on gamma rays above 1 TeV obtained135

by HAWC in a companion paper [59]. Our search for136

gamma rays from the Sun falls within an active part of137

solar cycle 24 (2014–2017) which is important for dark138

matter searches from the Sun, as described in Sec. III.139

The paper is structured as follows. Section II outlines140

the mechanism of dark matter scattering and annihila-141

tion in the Sun. Section III reviews the search for GeV–142

TeV gamma rays from the Sun and describes the HAWC143

detector. In Section IV, we calculate the constraints on144

spin-dependent scattering for various annihilation chan-145

nels, providing strong new limits. Section V concludes146

the paper.147

II. DARK MATTER IN THE SUN148

We briefly review WIMPs from the dark matter halo149

that are captured by the Sun. WIMPs can lose kinetic150

energy via scattering and settle into thermal equilibrium151

in the core of the Sun [6–8, 12, 15, 60–63]. The overden-152

sity of dark matter in the core can result in dark matter153

annihilation into SM particles. Evaporation is not im-154

portant for dark matter masses above a few GeV [64, 65].155

Ignoring self-interactions [66], the number of dark matter156

particles N in the Sun, at a time t, can be written as a157

function of the capture and annihilation rates [8, 32],158

dN

dt
= �cap � CannN

2, (1)159

where �cap is the capture rate, and Cann is a factor ac-160

counting for the annihilation cross section and the dark161

matter number density. Initially, when the Sun was162

formed, the capture rate far exceeded the number of an-163

nihilation events per unit time, �ann. Eventually, when164

capture and annihilation reach equilibrium (dN/dt = 0),165

the annihilation rate becomes,166

�ann =
1

2
CannN

2 =
1

2
�cap. (2)167

The factor of 1/2 accounts for two dark matter particles168

being depleted in each annihilation event. The annihila-169

tion rate in equilibrium is independent of the annihilation170

cross section h�Avi, and is set by �cap, which depends on171

the scattering cross section and the local halo mass den-172

sity, among other things [35, 67]. Observed signals of an-173

nihilation would be a direct probe of the WIMP capture174

rate and therefore, the spin-dependent cross section �SD
175

[13, 32, 68]. In addition, it may be possible to determine176

the WIMP mass m� through a cutoff in the spectrum177

of its annihilation products. The angular profile of the178

region where annihilation is concentrated is narrow and179

embedded deep within the Sun [35].180

Detecting a dark matter signal in gamma rays, there-181

fore, is only possible in models in which the annihilation182

proceeds via long-lived mediators, as shown in Fig. 1. In183

the Sun’s core, the dark matter first annihilates into a184

boosted long-lived mediator particle. The mediator can185

escape the Sun, decaying outside through observable SM186

channels. For a discussion of the various fields that can187

mediate the interaction of dark matter to photons, see188

Refs. [38, 69]. For mediators that decay outside the Sun,189

the energy flux from dark matter annihilation is given by,190

E 2 d�

dE
=

�ann

4⇡D2
Ri E

2 dN

dE

⇣
e�R�/L � e�D/L

⌘
, (3)191

where �ann is the rate of annihilation, Ri is the branch-192

ing ratio into the ith channel, D is the distance between193

Sun and Earth, and L is the decay length of the media-194

tor. An important pre-requisite for an observable signal195

is that the mediator has a sufficiently long lifetime ⌧ or196

decay length L, exceeding the solar radius R�, so that the197

gamma rays are not extinguished [14, 32, 38, 57]. The198

decay length is related to the mass m� of dark matter199

particle, the mass mY of the mediator, and the mediator200

lifetime by201

L = c⌧
m�

mY
. (4)202

Observations of the Sun can therefore jointly constrain203

the mediator lifetime and the WIMP-proton scattering204

cross section [32]. In this work we consider the opti-205

mal case where L ⇠ R�, such that the mediator decays206

just outside the Sun, producing a gamma-ray signal that207

would be correlated with the center of the solar disk.208

III. SOLAR GAMMA-RAY OBSERVATIONS209

In this section, we describe the dominant astrophysi-210

cal foreground for solar dark matter gamma-ray searches,211

and why the time window for our search is ideally situ-212

ated to reduce this foreground. We also describe the213

GeV-TeV data sets used to set limits on the dark matter-214

proton spin-dependent elastic scattering cross section.215

For solar dark matter searches, the sensitivity to216

gamma rays is accompanied by a challenge: significant217

foregrounds that are not well understood [70–75]. These218

foreground gamma rays are due to cosmic-ray interac-219

tions with solar matter and photons. The Sun has been220

observed in MeV-GeV gamma rays by satellite detectors,221

leading to the identification of two distinct components222

[74, 76–80]: emission from the solar disk due to hadronic223

cosmic rays producing pions in collisions with solar gas,224

and a spatially extended ⇠ 20� halo due to the inverse-225

Compton upscattering of solar photons by electron cos-226

mic rays.227

A dark matter signal would be distinguishable from a228

cosmic-ray induced flux by its hard spectrum and a cut-229

off at the dark matter mass (see Fig. 2). Moreover, the230

flux of GeV gamma rays detected by the Fermi-LAT from231

the solar disk shows a distinct variability in time [74, 75].232
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Solar WIMP Search
• Best limit on SD cross 

sections
– Hard Channels

• Both scattering and 
Annihilation!

• How far can neutrino 
telescopes reach?

8/7/19 Kenny C.Y. NG, Exeter CCSN 2019 12

C3F8  Direct Detection 
Neutrino floor
Ruppin et al. 2014



HE Gamma-ray Source
HE Neutrino Source

Dark Matter Detector

CR protons
Hadronic !
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Solar atmospheric gamma rays
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Limb contribution

0.1%

Zhou, KCYN, Beacom, Peter PRD 2017

!



Solar atmospheric gamma rays
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Limb contribution

Theoretical Max from CR

0.1%

100 % CR

Zhou, KCYN, Beacom, Peter PRD 2017

!
Reality
- Solar B-field
- Solar Modulation

Seckel, Stanev, Gaisser (1991) ~ 1 %?

!
!
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Boost gamma-ray 
production

Seckel Stanev Gaisser 1991

• Follow the field line
• Gas-B-field pressure equilibrium
• Magnetic field gradient -> mirroring
• Trajectory -> interaction probability ->  ~ 1%



The overall picture
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SSG Model
Extended

~ 1 %



• LAT
– Large area telescope
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www-glast.stanford.edunasa

Fermi Gamma-ray Space Telescope



Finding the Sun with Fermi
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KCYN+ 2015

Photon map

Angular distribution



Fermi Detection (18 months)
• First detection was EGRET (Orlando, Strong 2008)
• Model prediction too small 
• Satisfy cosmic-ray bound   ßà CR model with large B-field 

enhancement
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(1104.2093)

SSG Model
Extended

~ 1 %



Observation: 9-year averaged spectrum

• 2008 – 2017 (9 years)
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SSG Model
Extended

KCYN, Beacom, Peter, Rott PRD 2016
Tang, KCYN, Linden, Zhou, Beacom, Peter PRD 2018



Observation: 9-year averaged spectrum

• 2008 – 2017 (9 years)
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SSG Model
Extended

KCYN, Beacom, Peter, Rott PRD 2016
Tang, KCYN, Linden, Zhou, Beacom, Peter PRD 2018



Time variation
• Clear anticorrelation with solar activity from 1-10 GeV
• Less clear in 10-100 GeV (less variation or insufficient statistics)
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KCYN, Beacom, Peter, Rott PRD 2016
Tang, KCYN, Linden, Zhou, Beacom, Peter PRD 2018

Proton Daily Fluxes Relative Variation
May 2011- May 2018 
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Preliminary Data.
Please refer to the AMS 
forthcoming publication 

C. Consolandi CRD8c

Small modulation amplitude
-> extra modulation needed near the Sun



CR Solar Modulation / solar activity
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• 1. CR propagation in the solar system
• 2. CR propagation in the solar atmosphere
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Fig. 2 The 3 steps of how cosmic rays are affected by the Sun. The 1st is cosmic-ray 
propagation from interstellar space to the Sun (solar modulation). The 2nd is cosmic-ray 
propagation affected by the coronal magnetic fields. The 3rd is cosmic-ray propagation in 
magnetic flux tubes in the photosphere, where interactions occur. The 4th plot shows an 
example of charged particles entering a flux tube (along the z-axis at r=0). Depending on 
the incident angle, cosmic-ray can be reflected.  These trajectories are especially 
important for producing gamma rays that can escape the Sun and be detectable.    

Compared to the previous calculation [3], which used a simple particle diffusion 
treatment and an unrealistic particle motion model in the photosphere (the corona was 
not modeled), my proposed calculation significantly improves in every aspect. The careful 
treatment of cosmic-ray propagation is expected to boost the gamma-ray production 
efficiency, helping to explain the Fermi observations. The realistic particle interaction 
model will be energy dependent, and hence could address the disagreement on the 
gamma-ray flux spectrum shape. The realistic and observationally based solar model 
may also explain the time variation found in [11].  
 
Part 4) The Sun as a High-Energy Neutrino Source and Implications for Dark Matter  

I propose to thoroughly study the detection prospects of the Sun with high-energy 
neutrinos, as well as the implications for dark matter.   

I have previously established that solar atmospheric neutrinos >1TeV are detectable 
for 123 neutrino detectors; a search is currently underway by IceCube []. On the other 
hand, solar atmospheric neutrinos <1TeV is an important background for solar dark 
matter searches.  They form a sensitivity floor in the dark matter parameter space 
obscuring models from experimental searches [].  

The next great advancement in neutrino astronomy will be KM3NeT [], which is 
currently under construction in the mediterranean sea. KM3NeT will be able to study 
high-energy neutrinos in a completely new way. Unlike IceCube, which only muon tracks 
are important for point sources detection. Cascades from electron and tau flavor neutrino 
interactions can be detectable for water-Cherenkov detector due to their much improved 
angular resolution. For dark matter searches, the much better energy resolution of 
cascades compared to muon tracks permits better separation of dark matter signals to 
low-energy solar atmospheric neutrino backgrounds. This may lower the sensitivity floor, 
allowing more dark matter model parameter spaces to be probed.  Lastly I will also 
explore new ways for improving dark matter searches with neutrino telescopes, utilizing 
new signatures, such as entering-containing event ratio and features in deep-inelastic 
kinematics.  

Step 1: Diffusion          2: Coronal Fields           3:  Photospheric  
                             flux tubes CR 

γ 

NASA 

Adriani+ 2013



Observation: 9-year averaged spectrum
• Aug 2008 – Jan 2010 (solar min. 76 weeks)
• 2008 – 2017 (9 years)
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Tang, KCYN, Linden, Zhou, Beacom, Peter PRD 2018

SSG Model
Extended



High energy photon/Time variation, 
Surprise (1)!

• >100 GeV events

• 6 events from AUG 2008 to Jan 2010 (quiet Sun)

• 0 events for the next 7.8 years (active Sun)
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Linden, Zhou, Beacom, Peter, KCYN, Tang
PRL 2018
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FIG. 1. (Top) The solar disk �-ray spectrum during solar minimum
(before January 1, 2010, blue circles) and after (red squares). Small
shifts along the x-axis improve readability. The gray lines show the
SSG model renormalized by a factor of six to fit the lowest-energy
datapoint (solid), and the maximum �-ray flux that could be pro-
duced by hadronic cosmic rays (dashed). (Bottom) The ratio of the
�-ray flux observed in periods during and after solar minimum.

single effective exposure over the full ROI in each time-bin,
and bin the exposure into 32 logarithmic energy bins spanning
10 GeV to 1 TeV. Because the Sun occupies a unique position
in instrumental �-space, we calculate exposures obtained by
utilizing 10 independent �-bins. In Appendix B, we show
that the instrumental �-dependence does not affect our results.

Flux, Spectrum and Time Variation.—In Figure 1, we show
the solar �-ray flux before and after January 1, 2010, which
roughly corresponds to the end of the Cycle 24 solar mini-
mum. We note three key results.

• The �-ray flux significantly exceeds the SSG prediction
(based on a proton interaction probability of 0.5%), in
fact approaching the maximum allowed solar disk flux
(for a detailed calculation, see Appendix E).

• The 30–50 GeV spectral dip, which we will carefully
examine in Ref. [17], is statistically significant both
during and after solar minimum, though there is some
evidence (2.5�) that the dip deepens at solar minimum.
Aside from the dip, the spectra in both time periods are
significantly harder than predicted by SSG.

• The strongest time variation is observed between solar
minimum (largest flux), and the remaining solar cycle.
At low energies this variation is moderate [13, 14, 17].
However, the amplitude increases with energy above
50 GeV, reaching a factor �10 above 100 GeV.

None of these observations were anticipated by theory.

Morphology.—The large �-ray flux suggests that a large frac-
tion of the solar surface participates in the �-ray emission pro-
cess. To further elucidate the �-ray generation mechanism(s),
we resolve the �-ray morphology across the solar surface.
This reconstruction is possible at high (&10 GeV) energies
due to the excellent (⇠0.1�) Fermi angular resolution.

In Figure 2, we show the observed position of �-rays in our
analysis, dividing the data into two temporal bins (before and
after January 1, 2010; corresponding to the end of the solar
minimum), and two energy bins (below and above 50 GeV;
corresponding to the spectral dip discussed in Ref. [17]). Sur-
prisingly, we find that, contrary to the SSG model, the emis-
sion is neither isotropic nor time-invariant. Instead, it includes
distinct polar and equatorial components, with separate time
and energy dependences. In particular, it is visually apparent
that �-rays above 50 GeV are predominantly emitted near the
solar equatorial plane during solar minimum, but are emitted
from polar regions during the remaining solar cycle.

We utilize two separate methods to quantify the significance
of this morphological shift. The first employs a Kolmogorov-
Smirnov test to differentiate the distribution of �-rays in ob-
served helioprojective latitude (|Ty|) during and after solar
minimum. This provides a model independent method of
comparing the data, but loses sensitivity to convolving fac-
tors such as the instrumental PSF. Below 50 GeV, we find that
the event morphology is consistent to within 1.1�. However,
above 50 GeV, we reject the hypothesis that the event mor-
phologies during and after solar minimum are equivalent at
2.8�. Because this method has few trials, it provides reason-
able evidence for a morphological shift.

Second, we define a two-component model of the solar sur-
face, with equal-area equatorial and polar emission compo-
nents (divided at Ty = ±0.108�). We fit the flux from each
component, utilizing the angular reconstruction of each ob-
served �-ray (see Appendix F). This correctly accounts for the
PSF, but provides results that depend on the assumed emission
model. In Appendix G we show that different models produce
similar results. This analysis provides two key results.

• At all energies, the �-ray emission becomes more polar
after solar minimum. However, the amplitude of this
shift increases significantly at high energies.

• The morphological shift is produced by a significant de-
crease in the equatorial flux after solar minimum, while
the polar flux remains relatively constant.

In Figure 2, we also plot the polar and equatorial spectra
during and after solar minimum. We find that while the am-
plitude and spectrum of the polar component remains rela-
tively constant, the equatorial spectrum softens substantially
after solar minimum. This significantly decreases the high-
energy equatorial flux after solar minimum, despite the simi-
lar normalization of the equatorial component at low energies.
Intriguingly, the equatorial �-ray spectrum during solar mini-
mum is extremely hard, and is consistent with dN/dE⇠E�2 up
to energies significantly exceeding 100 GeV. We note that we
have combined high-energy spectral bins during solar mini-
mum to provide sufficient statistics.

The high-energy photon production are very sensitive to the solar condition



Sun shadow observations
• TeV cosmic-ray Sun shadows (near Sun-

trajectory)

8/7/19 Kenny C.Y. NG, Exeter CCSN 2019 27

ICRR, Tibet AS-gamma PRL 
2013



Spectrum, surprise (2)
• Hard spectrum till ~100 GeV
– Magnetic enhancement works for protons ~ TeV
– Enhancement increasingly efficient! Close to upper bound at HE

8/7/19 Kenny C.Y. NG, Exeter CCSN 2019 28

Tang, KCYN, Linden, Zhou, Beacom, Peter PRD 2018

FLUX(E)   ∝ "## × Φ# & × ' (&)
~&+,.. ~&/0.1~&+,., ~&+0



Spectrum, surprise (3)
• Strange “dip” between 30-50 GeV

– Naively, two components, but not easy
– No obvious instrumental explanation
– Seems shallower outside solar minimum
– Statistical fluke? Time-dependent feature/systematics? Will know soon

8/7/19 Kenny C.Y. NG, Exeter CCSN 2019 29

SSG Model
Extended

Tang, KCYN, Linden, Zhou, Beacom, Peter PRD 2018



Spectrum, surprise (4)
• Observations of the Sun in GeV Gamma Rays by CALET on the ISS
• Nicholas Cannady, APS April Meeting 2019

– 3 years
– Consistent with hard spectrum
– 3 photons above 10GeV, 1 at 30-50GeV ?!

31st July 2019 Kenny C.Y. NG, ICRC 2019 30

SSG Model
Extended

Tang, KCYN, Linden, Zhou, Beacom, Peter PRD 2018



Morphology, surprise (4)

• Low Energy Bin
– 10-50GeV
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FIG. 2. (Top) The location and energy of solar �-rays in Helioprojective coordinates. Data are cut into two temporal bins and two energy bins.
The solar disk is represented by the solid circle, and the 0.5� ROI by the dashed circle. The average PSF of observed �-rays is depicted in the
top left. The Ty positions of photons are shown in the histogram, and are compared to the profile expected from isotropic emission smeared by
the PSF (orange line). The area of event points corresponds to the relative effective area in data taken during (after) solar minimum. In each
bin, we report the flux from the modeled polar and equatorial components, as described in the text. (Bottom) The energy spectrum of polar and
equatorial emission, divided into regions during (left) and after (right) solar minimum. The polar emission is approximately constant, while
the equatorial emission decreases drastically at the end of solar minimum.

Linden, Zhou, Beacom, Peter, KCYN, Tang
PRL 2018



Morphology, surprise (4)

• High Energy Bin
– (> 50 GeV)

8/7/19 Kenny C.Y. NG, Exeter CCSN 2019 32
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FIG. 2. (Top) The location and energy of solar �-rays in Helioprojective coordinates. Data are cut into two temporal bins and two energy bins.
The solar disk is represented by the solid circle, and the 0.5� ROI by the dashed circle. The average PSF of observed �-rays is depicted in the
top left. The Ty positions of photons are shown in the histogram, and are compared to the profile expected from isotropic emission smeared by
the PSF (orange line). The area of event points corresponds to the relative effective area in data taken during (after) solar minimum. In each
bin, we report the flux from the modeled polar and equatorial components, as described in the text. (Bottom) The energy spectrum of polar and
equatorial emission, divided into regions during (left) and after (right) solar minimum. The polar emission is approximately constant, while
the equatorial emission decreases drastically at the end of solar minimum.

Linden, Zhou, Beacom, Peter, KCYN, Tang
PRL 2018



Morphology, surprise(4)

• Two spatial components
• Polar
– Relatively stable vs time

• Equatorial
– Extreme time variation
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FIG. 2. (Top) The location and energy of solar �-rays in Helioprojective coordinates. Data are cut into two temporal bins and two energy bins.
The solar disk is represented by the solid circle, and the 0.5� ROI by the dashed circle. The average PSF of observed �-rays is depicted in the
top left. The Ty positions of photons are shown in the histogram, and are compared to the profile expected from isotropic emission smeared by
the PSF (orange line). The area of event points corresponds to the relative effective area in data taken during (after) solar minimum. In each
bin, we report the flux from the modeled polar and equatorial components, as described in the text. (Bottom) The energy spectrum of polar and
equatorial emission, divided into regions during (left) and after (right) solar minimum. The polar emission is approximately constant, while
the equatorial emission decreases drastically at the end of solar minimum.

Linden, Zhou, Beacom, Peter, KCYN, Tang
PRL 2018



Solar Gamma Spectrum
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TeV?



HAWC
• F
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Hao Zhou TeVPA2018



Gamma Hadron Separation
• F
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• Large FOV, all weather instrument



HAWC analysis

• Nov 2014 - December 2017 (829 days)
– The sun was still active

• Significance map
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FIG. 2. Left: Observed Sun shadow, described by Eq. (6), at median energies of 1.36, 4.2 and 60 TeV. The 1� width of
the shadow is 1.3�, 0.9� and 0.3� at the respective energies. Center: Same maps with gamma-hadron cuts applied: Eq. (7).
Right: The simulated Sun maps for the maximum expected flux from cosmic-ray interactions in the solar atmosphere. The
black cross marks the position of the Sun.
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HAWC analysis of the Sun (2014-2017)

• Constrain ~10% of CR upper bound (active phase)
• Exciting prospect for current solar min (2018 -)
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FIG. 2. Left: Observed Sun shadow, described by Eq. (6), at median energies of 1.36, 4.2 and 17.2 TeV. The 1� width of
the shadow is 1.3�, 0.9� and 0.7� at the respective energies. Center: Same maps with gamma-hadron cuts applied: Eq. (7).
Right: The simulated Sun maps for the maximum expected flux from cosmic-ray interactions in the solar atmosphere. The
black cross marks the position of the Sun.
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First HAWC analysis of the Sun (2014-2017)

• Constrain ~10% of CR upper bound (active phase)

• Exciting prospect for current solar min (2018 -)
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FIG. 2. Left: Observed Sun shadow, described by Eq. (6), at median energies of 1.36, 4.2 and 17.2 TeV. The 1� width of
the shadow is 1.3�, 0.9� and 0.7� at the respective energies. Center: Same maps with gamma-hadron cuts applied: Eq. (7).
Right: The simulated Sun maps for the maximum expected flux from cosmic-ray interactions in the solar atmosphere. The
black cross marks the position of the Sun.
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2018 Data: Onwards to the Solar Minimum
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The Sun as a TeV source?!
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HAWC 2018

Solar min
1901.04201
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3.  Solar disk simulation result

	

l For solar disk gamma-ray

<10GeV, the spectrum is consist

with Fermi data.
l For gamma-ray >10GeV, the
simulated spectrum became much

softer than Fermi data.

First Solar gamma simulation  w/ B-field
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PFSS model for “quiet” Sun

Zhe Li (IHEP)
SH5e: Estimation of Solar Disk Gamma-ray 
Emission Based on Geant4 



Solar Atmospheric Gamma rays
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Complicated……

But could be a new probe for solar physics!



Solar Atmospheric Neutrinos

• Dilute atmosphere, larger neutrino flux 
Seckel+ 1991, Moskalenko+, 1993, Ingelman+ 1996,  
Hettlage+ 2000, Fogli+ 2003
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C.A. Argüelles+ 1703.07798
Joakim Edsjo+ 1704.02892



Flux without B/field
• Absorption

• Oscillation
– Factor of 2 effect
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Solar Atmospheric Neutrinos

• Dilute atmosphere, larger neutrino flux 
Seckel+ 1991, Moskalenko+, 1993, Ingelman+ 1996,  
Hettlage+ 2000, Fogli+ 2003
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C.A. Argüelles+ 1703.07798
Joakim Edsjo+ 1704.02892

KCYN, Beacom, Peter, Rott 2017



Gigaton Neutrino Detectors
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IceCube 2013-
Southpole

KM3NeT (building)
Mediterranean



Neutrino point source detection

• !" CC events
– Starting events

– Entering events
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tubes in the solar surface. This leads to a strong suppres-
sion of the neutrino flux at low energies. In their Naive
model, where magnetic e↵ects are ignored, the SA⌫ in-
tensity is indeed comparable to the EA⌫ intensity near
⇠ 1GeV. At su�ciently high energies, magnetic e↵ects
should diminish. In the SSG1991 models, this transition
occurs at about 300 GeV neutrino energy, though the
value is theoretically quite uncertain. At lower energies,
the spread between the SSG1991 models gives some indi-
cation of the uncertainty. The corresponding gamma-ray
fluxes lie between these two extremes [38–40]. We use
the SSG1991 models up to 300GeV.

At higher energies, the uncertainties are expected to be
less, but could be non-negligible. For neutrino energies
above 300GeV, we use the model from Ingelman and
Thunman (IT1996 [34]). The IT1996 model assumes zero
magnetic fields, and is consistent with the Naive model
of SSG1991 above ⇠ 100GeV. We caution that it is not
clear how much magnetic fields can a↵ect the neutrino
production at ⇠ 1TeV, the most relevant energy range
for SA⌫ detection, and we comment further in Sec. II C.

We take into account neutrino mixing. As shown in
Refs. [41], there are both vacuum-mixing and matter ef-
fects. However, these e↵ects are largely washed out after
combining neutrino and anti-neutrinos, integrating over
the production region, and using wide energy bins. The
final muon neutrino flux is thus roughly a factor of ' 0.5
less than that at production, similar to vacuum mixing
alone, where 1 : 2 : 0 transforms to nearly 1 : 1 : 1. For
simplicity, given the other large uncertainties, we simply
reduce the total SA⌫ muon neutrino flux by this factor.

For the EA⌫ model, we use the all-sky averaged inten-
sity from Ref. [42], and the parametric form in Ref. [43] to
extrapolate to high energies, after matching the normal-
ization. We ignore neutrino mixing for the EA⌫, which
would reduce the flux by a factor of 2 at low energies and
would be negligible at high energies [44], where we are
most interested. The EA⌫ intensity also changes with
zenith angle [45], but is only a ⇠ 50% e↵ect for the most
important energies and directions considered here. We
neglect this variation, in keeping with our precision goal
of a factor of ⇠ 2.

Figure 1 shows the predicted SA⌫ flux after mixing,
integrated over the angular size of the Sun. We have
joined the SSG1991 and IT1996 fluxes at 300 GeV. We
also show the corresponding EA⌫ flux within the angu-
lar size of the Sun, with half angle ✓Sun = 0.27�. As
described above, in the same solid angle, the EA⌫ flux
becomes smaller and steeper than the SA⌫ flux at high
energies.

However, the actual relevant EA⌫ background should
be given by the flux within the neutrino-muon separation
angle, ✓⌫µ ' 1�

p
1TeV/E⌫ [46, 47]. This is the mean

angle between the incoming neutrinos and the outgoing
muons, after the neutrino-quark charged-current interac-
tions. It is therefore an intrinsic limitation to the best
possible neutrino angular resolution if only the final state
muons are observed, and is independent of the detector

technology. As shown in Fig. 1, even in this case, the
SA⌫ flux exceeds the EA⌫ background above a few TeV.

B. Neutrino Detection

In this subsection, we discuss the detection of muon
neutrinos from the Sun with neutrino telescopes. We
adopt the “theorist’s” or ideal approach to estimate the
best possible scenario. In a realistic case, background re-
duction and threshold e↵ects reduce the signal e�ciency,
which are encoded in the e↵ective areas provided by ex-
perimental collaborations. These e↵ective areas are thus
analysis-dependent, and could be improved. The ideal
approach is necessary because we want to separate events
by muon energy, which is not possible in the e↵ective-area
approach. We comment on the di↵erences between the
ideal and the realistic cases below.
As noted, we focus on muon neutrinos and the tracks

they produce in charged-current interactions. We com-
bine neutrinos and antineutrinos. The muon energy at
birth, Eµ, is related to the neutrino energy, E⌫ , by
Eµ = E⌫(1 � y), where y is the inelasticity parame-
ter [48, 49]. For simplicity, we assume a fixed value of
y = 0.4 throughout our energy range of interest. We
neglect neutrino absorption in Earth, which becomes im-
portant only above ⇠ 40TeV for neutrinos that cross the
diameter (and ⇠ 1PeV for neutrinos that travel from the
Sun to IceCube [49]).
Muons can be produced inside the detector (starting

events), or outside and then enter the detector after prop-
agation (entering events). For starting events, the muon
spectrum is

dN sta

dEµ
' NA⇢V T

1

1� y


d�

dE⌫
(E⌫)�(E⌫)

�

E⌫=
Eµ

(1�y)

, (1)

where d�/dE⌫ is the neutrino flux , � is the interac-
tion cross section [48, 49], NA = 6.02 ⇥ 1023 g�1 is the
Avogadro number, ⇢ ' 1 g cm�3 is the density, V is the
fiducial volume of the detector, and T is the e↵ective ex-
posure. The muon energy is taken to be its birth energy.
To reduce backgrounds from atmospheric muons, we con-
sider only upgoing events. The e↵ective exposure for the
Sun is thus taken to be half the detector live time.
For entering muons, taking into account energy loss,

the spectrum is [46, 50]

dN ent

dEµ
' NA⇢AT

⇢ (↵+ �Eµ)

Z 1

Eµ
1�y

dE⌫
d�

dE⌫
(E⌫)�(E⌫) , (2)

where A is the geometric detector area, ↵ = 2.0 ⇥
10�6 TeV cm2 g�1, and � = 4.2 ⇥ 10�6 cm2 g�1 [51, 52].
The muon energy is that when the muon enters the de-
tector.
We consider two idealized experimental setups that

roughly correspond to Super-Kamiokande (Super-K) and
IceCube. They cover the range of a small, low-threshold

3

tubes in the solar surface. This leads to a strong suppres-
sion of the neutrino flux at low energies. In their Naive
model, where magnetic e↵ects are ignored, the SA⌫ in-
tensity is indeed comparable to the EA⌫ intensity near
⇠ 1GeV. At su�ciently high energies, magnetic e↵ects
should diminish. In the SSG1991 models, this transition
occurs at about 300 GeV neutrino energy, though the
value is theoretically quite uncertain. At lower energies,
the spread between the SSG1991 models gives some indi-
cation of the uncertainty. The corresponding gamma-ray
fluxes lie between these two extremes [38–40]. We use
the SSG1991 models up to 300GeV.

At higher energies, the uncertainties are expected to be
less, but could be non-negligible. For neutrino energies
above 300GeV, we use the model from Ingelman and
Thunman (IT1996 [34]). The IT1996 model assumes zero
magnetic fields, and is consistent with the Naive model
of SSG1991 above ⇠ 100GeV. We caution that it is not
clear how much magnetic fields can a↵ect the neutrino
production at ⇠ 1TeV, the most relevant energy range
for SA⌫ detection, and we comment further in Sec. II C.

We take into account neutrino mixing. As shown in
Refs. [41], there are both vacuum-mixing and matter ef-
fects. However, these e↵ects are largely washed out after
combining neutrino and anti-neutrinos, integrating over
the production region, and using wide energy bins. The
final muon neutrino flux is thus roughly a factor of ' 0.5
less than that at production, similar to vacuum mixing
alone, where 1 : 2 : 0 transforms to nearly 1 : 1 : 1. For
simplicity, given the other large uncertainties, we simply
reduce the total SA⌫ muon neutrino flux by this factor.

For the EA⌫ model, we use the all-sky averaged inten-
sity from Ref. [42], and the parametric form in Ref. [43] to
extrapolate to high energies, after matching the normal-
ization. We ignore neutrino mixing for the EA⌫, which
would reduce the flux by a factor of 2 at low energies and
would be negligible at high energies [44], where we are
most interested. The EA⌫ intensity also changes with
zenith angle [45], but is only a ⇠ 50% e↵ect for the most
important energies and directions considered here. We
neglect this variation, in keeping with our precision goal
of a factor of ⇠ 2.

Figure 1 shows the predicted SA⌫ flux after mixing,
integrated over the angular size of the Sun. We have
joined the SSG1991 and IT1996 fluxes at 300 GeV. We
also show the corresponding EA⌫ flux within the angu-
lar size of the Sun, with half angle ✓Sun = 0.27�. As
described above, in the same solid angle, the EA⌫ flux
becomes smaller and steeper than the SA⌫ flux at high
energies.

However, the actual relevant EA⌫ background should
be given by the flux within the neutrino-muon separation
angle, ✓⌫µ ' 1�

p
1TeV/E⌫ [46, 47]. This is the mean

angle between the incoming neutrinos and the outgoing
muons, after the neutrino-quark charged-current interac-
tions. It is therefore an intrinsic limitation to the best
possible neutrino angular resolution if only the final state
muons are observed, and is independent of the detector

technology. As shown in Fig. 1, even in this case, the
SA⌫ flux exceeds the EA⌫ background above a few TeV.

B. Neutrino Detection

In this subsection, we discuss the detection of muon
neutrinos from the Sun with neutrino telescopes. We
adopt the “theorist’s” or ideal approach to estimate the
best possible scenario. In a realistic case, background re-
duction and threshold e↵ects reduce the signal e�ciency,
which are encoded in the e↵ective areas provided by ex-
perimental collaborations. These e↵ective areas are thus
analysis-dependent, and could be improved. The ideal
approach is necessary because we want to separate events
by muon energy, which is not possible in the e↵ective-area
approach. We comment on the di↵erences between the
ideal and the realistic cases below.
As noted, we focus on muon neutrinos and the tracks

they produce in charged-current interactions. We com-
bine neutrinos and antineutrinos. The muon energy at
birth, Eµ, is related to the neutrino energy, E⌫ , by
Eµ = E⌫(1 � y), where y is the inelasticity parame-
ter [48, 49]. For simplicity, we assume a fixed value of
y = 0.4 throughout our energy range of interest. We
neglect neutrino absorption in Earth, which becomes im-
portant only above ⇠ 40TeV for neutrinos that cross the
diameter (and ⇠ 1PeV for neutrinos that travel from the
Sun to IceCube [49]).
Muons can be produced inside the detector (starting

events), or outside and then enter the detector after prop-
agation (entering events). For starting events, the muon
spectrum is
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where d�/dE⌫ is the neutrino flux , � is the interac-
tion cross section [48, 49], NA = 6.02 ⇥ 1023 g�1 is the
Avogadro number, ⇢ ' 1 g cm�3 is the density, V is the
fiducial volume of the detector, and T is the e↵ective ex-
posure. The muon energy is taken to be its birth energy.
To reduce backgrounds from atmospheric muons, we con-
sider only upgoing events. The e↵ective exposure for the
Sun is thus taken to be half the detector live time.
For entering muons, taking into account energy loss,

the spectrum is [46, 50]
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where A is the geometric detector area, ↵ = 2.0 ⇥
10�6 TeV cm2 g�1, and � = 4.2 ⇥ 10�6 cm2 g�1 [51, 52].
The muon energy is that when the muon enters the de-
tector.
We consider two idealized experimental setups that

roughly correspond to Super-Kamiokande (Super-K) and
IceCube. They cover the range of a small, low-threshold
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Energy information - Muon energy loss

• Energy resolution from muon radiative energy loss?
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On the detection of TeV �-rays from GRB 9

Figure 6. The muon energy loss in seawater as a function of energy, calcu-
lated from Equations 46 to 48. The total energy loss (solid line) is decom-
posed into contributions from different processes, indicated in the legend.
This Figure is made using the values of Klimushin, Bugaev & Sokalski
(2001).

Figure 7. The muon energy loss by passing a layer of sea water with vertical
depth d = 2475 m is pictured here in the form of muon energy at the
surface of the sea ✏surface as a function of muon energy at the detector
level ✏detector. We plot the energy loss for different zenith distance ✓, thus
the path length is R = d/ cos ✓.

Equation 49 to obtain ✏surface as a function of ✏detector. The result
for ANTARES depth of d = 2475 m below sea level is shown in
Figure 7 for several slant depths.

The relation between ✏surface as a function of ✏detector is par-
ticularly useful to obtain the muon flux at detector level:

dN

d✏det
(✏det, R) =

dN

d✏sur
(✏sur)

d✏sur

d✏det

����
✏det,R

(50)

5 MUON FLUX FROM SINGLE GRB

Once we know how to produce gamma ray-induced muons in the
atmosphere and how they lose their energy in seawater, we are now
in the position to calculate the muon yield both on the surface of
the sea and at detector level. I first calculate muons produced from
a fictive, unattenuated test source with fluence f� = 10�1 TeV�1

km�2 s�1 at 1 TeV. The source is a point source with negligi-
ble diameter, assumed to be located at zenith distance ✓ = 30�.
The muon flux is calculated for three alternatives of spectral in-
dices b = (0.6, 1, 1.6) and cutoff energy at ✏max = 300 TeV. For
the background estimation, the opening angle of the search cone is
taken to be ✓cone = 1�. The results are shown in Figure 8 and com-
pared to a background of cosmic ray-induced muon flux calculated
for the same zenith distance.

These results are largely consistent with the results of Halzen,
Kappes & Ó Murchadha (2009). We can see that the dominant
channel of muon-production at low energies is by pion decay. How-
ever the number of muons that can be created from this channel
goes down with photon energy. At high energies, because the cross-
section of the muon-pair production goes up with photon energy
before reaching saturation point at ✏� & 10 TeV, the dominant
muon production mechanism is direct-pair production.

Confident with consistency of the calculation, I proceed by
calculating the muon flux for single GRB events located at differ-
ent redshifts. Using Equation 14, I calculate the photon flux ar-
riving at the top of the atmosphere from GRBs with spectral in-
dices b = (0.5, 1, 1.25, 1.5), redshifts z = (0.05, 0.1, 0.2, 0.5),
and zenith distances cos ✓ = (0.5, 1). A typical GRB power spec-
trum measured by BATSE is b ' 1.25 (Preece et al. 2000), however
measurement inconsistencies has been reported and thus the shape
of the spectral index at high energy is still debatable and might not
be in the form of a simple power law (see e.g. Kaneko et al. 2008
and González et al. 2003). Until this debate is clarified by Fermi,
it is reasonable also to asume a milder spectrum with index b ' 1.
The other spectral indices, the shallower b = 0.5 and the steeper
b = 1.5, while not entirely impossible nevertheless have a small
possibility of occuring and is thus also considered to study their
possibility of observing the muon signal.

Throughout the calculation, the values �t⇤ = 10 s, ✏bk⇤ =
(b � a)✏pk⇤/(1 � a) = (b � 1)400 keV, and L

iso

bol⇤ = 8.9 ⇥
1052 erg is used. The values taken for �t⇤, ✏pk⇤, and L

iso

bol⇤ are all
the mean values determined from Swift results (Butler et al. 2007;
Butler, Bloom & Poznanski 2010). After calculating the number of
photons at the top of the atmosphere, the muon flux at the surface
of the sea is then determined by means of Equation 28 or 30—
depending on the spectral index considered—and Equation 42. The
muon flux at the surface is then transformed to the muon flux at
detector level by way of Equation 50, and the corresponding energy
at detector level is calculated by solving Equation 49.

The results of this series of calculations are shown in Figure 9
using the attenuation model by Finke, Razzaque & Dermer (2010).
One panel in each of these Figures plot the muon flux of GRBs
for one spectral index. For each spectral index, the muon flux from
GRBs at different redshifts is also shown and indicated with the
color scheme shown in the legend. For each redshift, an area is
drawn to show their dependence on zenith distance. The the bor-
ders of the area drawn for each redshifts are the the muon flux at
zenith distance ✓ = 0 (solid lines) and at ✓ = 60� (dashed lines).
Anything in between those two lines are then the amount of signals
from any zenith distance between the borders. A background flux
consisting of cosmic ray induced-muons calculated from Equation

c� 2002 RAS, MNRAS 000, 1–13

Astraatmadja 2011



Background or Signal? (Both!)
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BAD energy-resolution
Difficult to distinguish from DM signal
Background! 

Some energy-resolution
No DM signal*
Astrophysical signal!

Theorist Expectation



Solar ATM neutrino – indirect detection Neutrino Floor

No B-field effect are considered

IceCube Search ongoing [S. In & C. Rott ICRC17 (965)]
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KCYN, Beacom, Peter, Rott, PRD 2017

See also

Arguelles+ 1703.07798

Edsjo+ 1704.02892

DM
Background



IceCube Search
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Theorist Expectation

Signal

C. Rott, KIAS workshop 2018

Seems difficult……
Improve analysis?Carsten Rott KIAS Workshop Oct 29 - Nov 2, 2018

Upper limit

 53

Feldman-Cousins Upper limit at 90% C.L.
- preliminary systematic uncertainties are included by worsening the limit by 13%



Summary
• Solar gamma rays 
– Complicated
– TeV (HAWC-operating, LHAASO-soon)
– CALET/AMS2
– More time (solar minimum starting 2018)

• Solar atmospheric neutrinos
– IceCube, KM3NeT (future)

• Anomalous Signals from the Sun -> New Physics!
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Thanks!


